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ABSTRACT
We study the acceleration of cosmic-ray protons and nuclei at GRB internal shocks. Phys-
ical quantities (magnetic fields, baryon and photon densities, shock velocity) and their time
evolution, relevant to cosmic-ray acceleration and energy losses, are estimated using the inter-
nal shock modeling implemented by Daigne & Mochkovitch (1998). Within this framework,
we consider different hypotheses about the way the energy dissipated at internal shocks is
shared between accelerated cosmic-rays, electrons and the magnetic field. We model cosmic-
ray acceleration at mildly relativistic shocks, using numerical tools inspired by the work of
Niemiec & Ostrowski (2004), including all the significant energy loss processes that might
limit cosmic-ray acceleration at GRB internal shocks.
We calculate cosmic-ray and neutrino release from single GRBs, for various prompt emission
luminosities, assuming that nuclei heavier than protons are present in the relativistic wind at
the beginning of the internal shock phase. We find that protons can only reach maximum en-
ergies of the order 1019.5 eV in the most favorable cases, while intermediate and heavy nuclei
are able to reach higher values of the order of 1020 eV and above. The spectra of particles
escaping from the acceleration site are found to be very hard for the different nuclear species.
In addition a significant and much softer neutron component is present in the cases of interme-
diate and high luminosity GRBs due to the photodisintegration of accelerated nuclei during
the early stages of the shock propagation. As a result, the combined spectrum of protons and
neutrons from single GRBs is found to be much softer than those of the other nuclear species.
We calculate the diffuse UHECR flux expected on Earth by convoluting the cosmic-ray output
from single GRBs of various luminosities by the GRB luminosity function derived by Wan-
derman & Piran (2010). We show that only the models assuming that (i) the prompt emission
represent only a very small fraction of the energy dissipated at internal shocks (especially for
low and intermediate luminosity bursts), and that (ii) most of this dissipated energy is com-
municated to accelerated cosmic-rays, are able to reproduce the magnitude of the UHECR
flux observed on Earth. For these models, the observed shape of the UHECR spectrum can be
well reproduced above the ankle and the evolution of the composition is compatible with the
trend suggested by Auger data. We discuss the implications of the softer proton component
(consequence of the neutron emission in the sources) for the phenomenology of the transition
from Galactic to extragalactic cosmic-ray, in the light of the recent composition analyses from
the KASCADE-Grande experiment.
Finally, we find that the associated secondary particle diffuse fluxes do not upset any current
observational limit or measurement. Diffuse neutrino flux from GRB sources of the order of
those we calculated should however be detected with the lifetime of neutrino observatories
such as IceCube or KM3Net.
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1 INTRODUCTION
After decades of observational and theoretical efforts, the question
of the origin of ultrahigh-energy cosmic-rays (UHECRs) still re-
mains unanswered. In particular, the nature of their sources and the
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acceleration mechanism responsible for their colossal energies are
unknown.
In the recent years, the Pierre Auger Observatory (Auger)
as well as the High Resolution Fly’s eye (HiRes) and the Tele-
scope Array (TA) experiments have provided measurements with
unprecedented statistics and resolution in the highest energy range
of the cosmic-ray spectrum, above 1018 eV. Measurements of the all
sky UHECR spectrum have shown the presence of a feature above
∼ 1019.5eV compatible with the so-called Greisen, Zatsepin and
Kuz’min (GZK) cut-off, signature of the interaction of protons or
heavier nuclei with extragalactic photon backgrounds. Moreover, a
first hint of an anisotropy signal at energies larger that ∼ 50 EeV
has been reported by Auger. Although currently weaker than what
has been anticipated after the first communication, this signal might
give a hint of the overall correlation between UHECRs and nearby
extragalactic matter. From the point of view of the composition of
UHECRs, Auger data suggest a rather radical transition from a rel-
atively light composition around the ankle of the cosmic-ray spec-
trum (about 3 − 4 × 1018 eV) to a heavier composition above a
few tens of EeV1. Although the spectrum and anisotropy measure-
ments favor extragalactic scenari for the origin of UHECRs, these
observations are not constraining enough to reveal the nature of
their sources. On the other hand, the composition trend suggested
by Auger can, in principle, be understood if complex nuclei are ac-
celerated at energies larger than protons. In particular, in a scenario
where the maximum energy reached by protons would be lower
than the the GZK energy scale, nuclei accelerated up to the same
maximum rigidity would reach energies Z times higher (where Z
is the charge of a given nucleus) which would result in a transition
toward a gradually heavier UHECR composition. This composition
trend, if further supported by higher statistics measurements, would
be quite constraining for the acceleration mechanism and the source
environment. The above-mentioned scenario could only hold if (i)
complex nuclei are abundant in the composition at the source and
(ii) the energy loss rate within the acceleration site is sufficiently
low for nuclei to be accelerated at energies larger than protons and
escape from the source.
Gamma-ray bursts (GRBs) are among the best candidate
sources for UHECRs. Their very luminous prompt and afterglow
emissions are thought to be related to the ejection of an ultrarel-
ativistic outflow consecutive to the core collapse of a very mas-
sive star (long burst) or the merging of two compact objects (short
burst). The fluctuations of the central engine lead to the formation
of internal shocks in which much of the jet power is dissipated.
Above the photosphere, those shocks become collisionless and pro-
vide sites for particle acceleration. Another dissipation and possible
acceleration sites are the so-called external shock occuring when
the jet encounters the dense interstellar medium (Vietri 1995; see
however Gallant and Achterberg 1999). Among the popular sce-
narios invoked to explain the GRBs prompt emission spectral and
temporal properties, the internal shock model (Rees & Mészáros
1993) has been the most extensively discussed. The internal shock
model relies on the presence of short time scale variability of the
Lorentz factor within the relativistic plasma outflow emitted by the
central engine. Mildly relativistic shocks are expected to form once
the fast layers of plasma catch up with the slower parts, and to
1 Let us note that neither the anisotropy signal nor the composition trend
suggested by Auger data has been confirmed by HiRes or TA experiments.
These two experiments have however accumulated a lower statistics above
1019 eV. They are furthermore observing a different portion of the sky.
accelerate electrons whose subsequent cooling triggers the prompt
emission. Shortly after this scenario was proposed to account for
GRBs prompt emission, internal shocks also appeared as credible
potential candidates for the acceleration of UHECRs. This possibil-
ity was first proposed by Waxman (1995) whose line of reasoning
was based on the observation that (i) internal shocks physical pa-
rameters were likely to fulfill the "Hillas criterion" (Hillas 1984)
for cosmic-rays acceleration above 1020 eV and (ii) that the GRB
emissivity in gamma-rays during the prompt phase was of the same
order as the emissivity required for UHECR sources above 1018 eV.
Although the latter argument has become quite controversial in the
past few years (see for instance Berezinsky et al., 2006), the study
of protons acceleration at GRB internal shocks has been the pur-
pose of many studies since Waxman’s pioneering work (Milgrom
& Usov 1995; Böttcher & Dermer 1998; Waxman & Bahcall 2000;
Dermer & Humi 2001; Gialis & Pelletier 2003a, 2003b, 2005).
Among them, some were dedicated to the possible contribution of
galactic GRBs to cosmic-rays at knee and above energies (Atoyan
& Dermer 2006) or more recently to UHECRs (Calvez et al. 2010).
The specific case of ultra-high energy (above 1019 eV) nuclei accel-
eration was considered in fewer studies (Wang et al. 2008; Murase
et al. 2008; Metzger et al. 2011) the latter also considering the pos-
sibility of heavy nuclei nucleosynthesis within GRBs relativistic
outflows. The important question of nuclei survival during the early
phase of GRBs (and its dependence on the physical processes at
play during this phase) was recently discussed by Horiuchi et al.
(2012). The production of very high energy secondary particles,
natural aftermath and possible signature of cosmic-ray acceleration
to the highest energies has also been extensively studied. Predic-
tions for very high and ultrahigh energy neutrino fluxes from GRBs
can be found for instance in Waxman & Bahcall (1997), Guetta et
al. (2004), Murase & Nagataki (2006), Murase et al. (2008), Hüm-
mer et al. (2009), Ahlers et al. (2011), Hümmer et al. (2012), He
et al. (2012), Baerwald et al. (2014) while the possible contribution
of accelerated cosmic-ray induced gamma-rays to the prompt emis-
sion was estimated in Asano & Inoue (2007), Asano et al. (2009),
Razzaque et al. (2010), Murase et al. (2012).
In this paper, we reconsider the question of UHECR accelera-
tion at GRBs internal shocks. We base our study on a Monte-Carlo
calculation of UHECR protons and nuclei acceleration at mildly
relativistic shocks including all the relevant energy loss processes
and the associated secondary neutrinos and photons emission. In
the next section, we present our modeling of GRBs internal shocks
based on previous works by Daigne & Mochkovitch (1998) and
calculate the prompt emission SEDs for different hypotheses on the
relativistic outflow physical parameters. These SED will later serve
as a photon background during UHECR acceleration. In Sect. 3, we
introduce a Monte-Carlo calculation of cosmic-ray acceleration at
relativistic shocks following the numerical method introduced by
Niemiec and Ostrowski (2004, 2006a, 2006b). We analyze the de-
pendence of the expected accelerated cosmic-ray spectrum and the
acceleration time on physical parameters, such as the turbulence
spectrum or the shock Lorentz factor, and the cosmic-ray escape
from the wind. We then discuss the relevant energy loss processes
at play during cosmic-ray acceleration at internal shocks and cal-
culate the corresponding energy loss times, in Sect. 4. The compar-
ison between the expected acceleration time and loss time allows
us to give a first estimate of the maximum energy reachable by
cosmic-rays protons or nuclei. In Sect. 5, we describe our Monte-
Carlo calculation in which the energy loss mechanisms and internal
shocks physical conditions derived from Sect. 2 are included to the
numerical modeling of particle acceleration. We calculate cosmic-
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ray spectra at the source, for different GRB luminosities, as well as
secondary particles production. We then use the recent GRB lumi-
nosity function and cosmological evolution derived by Wanderman
& Piran (2010) to estimate the diffuse UHECR and neutrino fluxes
expected for our models in Sect. 6. We finally discuss the physical
parameter space (especially the different cases of energy redistri-
bution between electrons, cosmic-rays and the magnetic field) that
could allow GRBs internal shocks to be the main source of UHE-
CRs, summarize our results and conclude in Sect. 7.
2 MODELING OF GRB INTERNAL SHOCKS
2.1 The prompt emission of GRBs
The origin of the prompt emission of GRBs is still debated. Their
very large luminosity and the short time scale variability of the ob-
served light curves constrain the emission to be produced within a
relativistic jet of typical Lorentz factor 100 - 1000 to avoid pho-
ton annihilation and the production of electron-positron pairs that
would generate a large Thomson optical depth (Piran 1999; Lith-
wick & Sari 2001; Hascoët et al. 2012). The acceleration of the
relativistic outflow from the central engine (an accreting stellar
mass black hole or a magnetar) can have either a thermal or mag-
netic origin. At some radius, a photosphere forms in the flow, its
location, luminosity and temperature depending on the respective
thermal and magnetic power injected at the base of the jet and on
the amount of entrained baryonic matter (Daigne & Mochkovitch
2002; Hascoët, Daigne & Mochkovitch 2013). Pure photospheric
emission cannot explain GRB spectra, which are non-thermal, hav-
ing the form of broken power-laws with respective spectral indices
α and β at low and high energy. The average values of α and β are
−1 and −2.25 with a typical break energy of a few hundreds keV
(Kaneko et al., 2006).
There are three leading models for creating the prompt emis-
sion of GRBs: (i) sub-photospheric dissipation where various pro-
cesses can modify the emerging initially thermal spectrum to pro-
duce the observed broken power-law (Rees & Mészáros 2005;
Pe’er, Mészáros & Rees 2005; Ryde et al. 2011; Beloborodov 2010;
Levinson 2012; Beloborodov 2013; Keren & Levinson 2014); (ii)
magnetic reconnection in a magnetized ejecta (Giannios 2012; Mc
Kinney & Uzdensky 2012; Yuan & Zhang 2012; Zhang & Zhang
2014) and (iii) internal shocks, which occur if the distribution of
Lorentz factor is variable in the outflow so that rapid parts can
catch up and collide with slower ones (Rees & Mészáros 1994;
Kobayshi, Piran & Sari 1997; Daigne & Mochkovitch 1998). De-
tailed models of internal shocks have been constructed (Bosnjak &
Daigne 2014) and many of their predictions compare favourably to
observations (e.g. hardness duration, hardness intensity and hard-
ness fluence correlations, width of pulses as a function of energy,
etc). However there are also problems such as a low efficiency (a
few percents typically since only the fluctuations and not the bulk
of the kinetic power is dissipated) and a spectral shape that does
not fit the data at low energy (Preece et al 1998; Ghisellini et al.
2000). The predicted spectral slope α = −1.5, corresponding to
synchrotron radiation in the so-called fast cooling regime, is too
soft. Some possibilities to produce a harder spectrum (Derishev
2007; Daigne et al. 2011, Uhm & Zhang 2014) might account for
α values up to −1 but reaching even larger values from −1 to 0 ap-
pears quite challenging. Also internal shock models require that the
flow should be initially magnetically dominated because otherwise
the thermal emission of the photosphere might be brighter than that
Figure 1. Upper panel: initial Lorentz factor distribution of the relativistic
wind as a function of time. Lower panel: rsh evolution of the Lorentz factor
of the shocked fluid in the central source frame Γres as obtained from Eq. 4.
of internal shocks (Daigne & Mochkovitch 2002) and simultane-
ously that the ratio σ of the magnetic to kinetic energy in the flow
should have decreased below 0.1 at the location of internal shocks
to allow them to preserve the required efficiency (Mimica & Aloy
2010; Narayan et al. 2011).
Photospheric and reconnection models have been proposed as
possible solutions to these problems. They are potentially more ef-
ficient than collisionless internal shocks. In photospheric models,
the basic radiation mechanism is not synchrotron (but synchrotron
emission is nevertheless involved in some cases, e.g. Vurm et al.
2011). Internal shocks, if they occur below the photosphere, are
mediated by radiation. They can reproduce the observed GRB spec-
tra with α values from −1 to 0 (Levinson 2012; Keren & Levin-
son 2014). However, they are unlikely to accelerate cosmic-rays by
Fermi processes because of their large transition layer. Reconnec-
tion models appear natural if the flow remains magnetized at large
distances from the source. For the moment, these alternatives (es-
pecially reconnection) make much fewer predictions than internal
shocks that can be compared to observations. As a result, they can-
not be tested as thoroughly and it is therefore difficult to draw too
definite conclusions. In spite of this somewhat uncertain situation
we believe it remains important to explore the ability of the (col-
lisionless) internal shock scenario to account for the production of
UHECRs.
2.2 A simple model for internal shocks
We use a simple model where the relativistic outflow emitted by
the central engine is represented by a large number of shells that
interact by direct collisions only (Daigne & Mochkovitch 1998).
Pressure waves are neglected but this is a reasonable approxima-
tion (which has been confirmed by hydrodynamic calculations, see
e.g. Daigne & Mochkovitch 2000) as kinetic energy largely domi-
c© 2002 RAS, MNRAS 000, 1–??
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nates over internal energy in the flow. We prepare an initial set of
1000 shells separated by intervals δt = 2 ms in the source frame,
corresponding to a total injection time twind = 2 s. The distribution
of the Lorentz factor in the flow is given by
Γ(t) =
 350 − 250 cos
[
pi t0.4 twind
]
for t 6 0.4 twind
600 for t > 0.4 twind
(1)
where t is the emission time of a shell. With such a distribution, the
rapid part of the flow (Γ = 600) will be decelerated by the relatively
slower part (Γ . 100) placed ahead of it. Two shocks are formed
starting from the region where the initial gradient of Lorentz fac-
tors is the largest, propagating respectively toward the front and the
back of the flow. In our simple model, the propagation of these two
shocks is discretized by a large number of elementary collisions
between individual shells. With our adopted distribution of Lorentz
factors, the shock propagating toward the front of the flow is short
lived (we will not consider it in the following calculations) while
the other one becomes rapidly dominant and is responsible for the
bulk of the dissipation and therefore for the prompt emission (see
Daigne & Mochkovitch 1998 and Daigne & Mochkovitch 2000,
for more details). As a result of energy dissipation throughout the
propagation of the shock over large distances, one pulse lasting a
few second will be obtained in the lightcurve, which is typical in
long GRBs. Variability on a much shorter timescale (down to a few
milliseconds) is indeed observed but most of the burst energy is
generally carried by much longer pulses.
The mass of each individual shell in the flow is obtained as-
suming a constant injected power Lwind so that
mi =
Lwindδt
Γic2
. (2)
We then follow the motion of the shells until a collision between
two shells i and i + 1 occurs. We record the time tsh and location
rsh (both measured in the central source frame) of the collision and
compute the dissipated energy
Ediss = (miΓi + mi+1Γi+1 − (mi + mi+1) Γres) c2 . (3)
We estimate Γres (the Lorentz factor of the shocked fluid resulting
from the collision, as seen in the central source frame) by consid-
ering that most of the energy available in the collision has been re-
leased when the less massive of the two shells has swept up a mass
comparable to its own mass in the other layer. One then obtains
Γres '
√
ΓiΓi+1 . (4)
It should be noticed that the dissipated energy represents only a
small fraction of the total kinetic energy of the merging shells,
around 15% for our assumed distribution of Lorentz factors, as the
collisions are only mildly relativistic with a relative velocity and
Lorentz factor given by
βrel =
κ2 − 1
κ2 + 1
, Γrel =
κ2 + 1
2κ
, (5)
where κ is the contrast of Lorentz factor between two shells that
collide at a radius rsh (leading for example to βrel = 0.8 and Γrel =
1, 67 for κ = 3). In our simple model, βrel and Γrel also represent the
velocity and Lorentz factor of the shock in the undisturbed fluid rest
frame, at a given time during its propagation, we call them hereafter
respectively βsh and Γsh.
The dissipated energy will be received by the observer starting at a
time
tobs = tsh − rshc (6)
and will extend over a duration
∆tobs =
rsh
2c Γ2res
(7)
due to the curvature of the emitting shell. After each collision, we
continue to follow the evolution of the system of shells until the
next collision occurs. The calculation ends when the remaining
shells are all ordered with the Lorentz factor increasing outwards
or, when only one shell remains. Adding all the elementary contri-
butions from these collisions finally gives the power received by the
observer as a function of time as well as the dynamical evolution of
all the important physical quantities during the shock propagation.
2.3 Microphysics
Our simple shell model mimics the hydrodynamics of the flow and
provides, at any given time during the shock propagation, estimates
of the post-shock density ρ and the energy dissipated per unit mass
ediss in the comoving frame of the shocked material. The two quan-
tities are estimated using the following relations:
ρ ∼ Lwind
4pi r2shΓ
2
res c3
, (8)
ediss =
Ediss
(mi + mi+1) Γres
. (9)
Once the redistribution parameters of the dissipated energy cr, e
and B (corresponding respectively to the fraction of the dissipated
energy injected into accelerated cosmic-rays, accelerated electrons
and the magnetic field) have been fixed, it is then possible to obtain
an estimate of the magnetic field in the shocked medium,
B = (8pi B ρ ediss)1/2 ∝ L1/2wind . (10)
Moreover, assuming that the distribution of the shock-accelerated
electrons is a power-law of index p for Γe,min < Γe < Γe,max one
obtains
Γ
−p+2
e,min − Γ−p+2e,max
Γ
−p+1
e,min − Γ−p+1e,max
=
(
e
ζ
) (
p − 2
p − 1
) (
mp
me
) ( ediss
c2
)
(11)
where mp and me are the proton and electron masses and ζ is the
fraction of electrons which are accelerated. This equation can be
solved numerically to estimate Γe,min (once Γe,max is known, see
below). Let us note that Eq. 11 reduces to the often used relation:
Γe,min '
(
e
ζ
) (
p − 2
p − 1
) (
mp
me
) ( ediss
c2
)
(12)
in the limit p > 2 and Γe,max ≫ Γe,min.
Once the magnetic field and the minimum Lorentz factor of the
accelerated electrons are known the synchrotron energy, which is
also the peak energy of the photon spectrum in the fast cooling
regime, is readily obtained
Epeak ' 1.75 10−3
( B
G
) (
Γe,min
103
)2 (
Γres
100
)
keV . (13)
In practice, to reach typical Epeak values from a few keV to a few
MeV, small values of ζ (. 0.01) are required (see discussion in
Daigne & Mochkovitch 1998, and references therein). It is beyond
the scope of this paper to discuss the physical relevance of such
small values of ζ, as the physics of mildly relativistic shocks (say,
Γsh = 1 − 3) has not been extensively explored by simulations (see
Sect. 3).
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Figure 2. Evolution of the physical parameters of models A, B and C as a function of Leqwind (see text and Eqs. 14-16). The evolutions of Lwind, e and ζ for the
three models are shown respectively in the left, central and right panels.
2.4 Dissipated energy redistribution models
In the following, we will consider three models corresponding to
three different combinations of the dissipated energy redistribution
parameters. For all these models, we assume that the prompt emis-
sion is dominated by the photon emission consecutive to the cool-
ing of accelerated electrons. For the first model, hereafter model A,
we assume equipartition of the dissipated energy between the ac-
celerated cosmic-rays, the accelerated electrons and the magnetic
field, i.e cr = e = B = 1/3. As mentioned above, ∼ 15% of the
wind energy is dissipated during internal collisions, for the Lorentz
factor distribution given in Eq. 1. This means that ∼ 5% of the wind
energy is communicated to accelerated electrons. The fast cooling
of these electrons by synchrotron or inverse Compton losses redis-
tributes almost entirely this energy to the prompt emission photons
which, then, ultimately represent ∼ 5% of the energy initially in-
jected in the relativistic wind, i.e the prompt emission luminosity
Lγ ' 0.05 × Lwind. As a result, considering wind luminosities be-
tween 1051 and 1055 erg s−1 one gets prompt emission luminosities
Lγ between ∼ 5 1049 and ∼ 5 1053 erg s−1. By setting the fraction of
accelerated electrons ζ = 1.5 10−2, the peak energy Epeak obtained
lies between a few keV at low luminosities to ∼ 1 MeV for the
largest luminosities.
For the two other models, hereafter models B and C, we make
a very different assumption on the dissipated energy redistribution
parameter for the accelerated electrons e and, as a consequence, on
the efficiency of the prompt emission. We assume that the prompt
emission efficiency is lower than in the case of model A and goes
from approximately 0.01% for low values of Lγ to 1% for the high-
est prompt emission luminosities. It implies larger assumed values
of the wind luminosity Lwind for a given prompt emission lumi-
nosity Lγ. Practically, to reproduce prompt emission luminosities
between 5 1049 and 5 1053 erg s−1, as in the case of model A, we as-
sume wind luminosities between 3 1053 and 3 1055 erg s−1. We use
then the following relation between the wind luminosities of the
three different models:
LB/Cwind = 3 ×
(
Leqwind
1055 erg s−1
)−1/2
× Leqwind , (14)
where LB/Cwind refers to the wind luminosity for models B and C and
Leqwind to the corresponding wind luminosity for model A. Models B
and C differ only by the value of the dissipated energy redistribution
parameters B and cr. For model B, we assume that most of the
dissipated energy is communicated into cosmic-rays, cr ' 0.9 and
B ' 0.1, while model C assumes a larger fraction given to the
magnetic fields, cr ' 0.66 and B ' 0.33. The parameters e and
ζ are adjusted for each wind luminosity in order to reproduce the
same prompt emission (meaning the same luminosity Lγ and the
same peak energy Epeak) as the corresponding case for model A (i.e,
the value of Leqwind corresponding to the value of Lwind for models B
and C as defined in Eq. 14). The values of e and ζ for models B
and C are related to those of model A by the following relations:
e =
(
Leqwind
Lwind
)
× eqe (15)
and
ζ =
(
Leqwind
Lwind
)3/4
×
(
B

eq
B
)1/4
× ζeq (16)
where the index "eq" refers to the values used for model A and Leqwind
is related to Lwind through Eq. 14. Fig. 2 shows values of Lwind, e, ζ
for model A, B and C as a function of Leqwind implied by Eqs. (14-16).
As already mentioned, the wind luminosities assumed for models B
and C are larger than for model A, especially for low prompt emis-
sion luminosities (for Lγ = 5 1049 erg s−1, i.e L
eq
wind = 10
51 erg s−1,
Eq. 14 implies Lwind = 3 1053 erg s−1 for models B and C). As a con-
sequence the values of e and ζ (central and right panels of Fig. 2)
for models B and C are much lower than for model A in order to
get the same prompt emission: e goes from ∼ 10−3 to ∼ 10−1 while
ζ goes from a few 10−4 to a few 10−3 for the range of values of
Leqwind we consider. Let us note that we obtain different values of ζ
for models B and C, due to the different values of B. Model B,
which implies lower values of the magnetic field for a given value
of Leqwind, requires a lower value of ζ to reach the same value of Epeak
(see Eq. 12 and 13).
In the following, when comparing predictions of models A, B
and C, we will often refer to the value of Leqwind, rather than the actual
value of Lwind (except for model A since by definition Lwind ≡ Leqwind
for that model). It is important to keep in mind that Lwind for models
B and C is larger than the corresponding value of Leqwind and that the
prompt emission luminosity Lγ is related to L
eq
wind (for our choice of
initial Lorentz factors distribution) by the relation Lγ ' 0.05×Leqwind
whatever the energy redistribution model. On the other hand the
relation between Lwind and Lγ (i.e the prompt emission efficiency)
c© 2002 RAS, MNRAS 000, 1–??
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Figure 3. Evolution of some physical quantities as a function of rsh, the distance of the shock from the central source. The numerical values are calculated
with our simple modeling of internal shocks, calculated for models A and B assuming Leqwind = 10
53 erg s−1. Top left : evolution of the shock Lorentz factor
in the undisturbed fluid frame. Top right : evolution of the magnetic in the shocked medium. Bottom left : evolution of the density of the shocked medium.
Bottom right : evolution of the integrated dissipated energy.
depends on the model assumed and also depends on Lwind for mod-
els B and C.
Fig. 3 gives some example of the physical quantities which
can be estimated with our modeling. It displays the evolution of
the shock Lorentz factor (top left panel), the magnetic field in
the shocked medium (top right panel), the density of the shocked
medium (bottom left panel) and the integrated dissipated energy
(bottom right panel) throughout the propagation of the shock (i.e,
as a function of the distance of the shock from the central source
rsh), for models A and B assuming L
eq
wind = 10
53 erg s−1 (that corre-
sponds to Lwind = 3 1054 erg s−1 for models B and C). Two branches
are visible on the first three graphs, one being largely dominant.
They correspond to the two shocks propagating respectively to the
front and to the back of the flow from their starting point where the
initial Lorentz factor gradient was the largest. As mentioned earlier,
it can be seen that one of these shocks (actually the one propagat-
ing towards the front of the flow) is very short lived and disappears
after propagating on a short distance range. The second shock prop-
agates over a much larger distance. For our hypothesis on the initial
distribution of Lorentz factors, it forms at rsh ' 1014 cm from the
central source and propagates up to rsh ' 1016 cm, where only one
shell remains. The top left panel of Fig. 3 shows the evolution of
the shock Lorentz factor Γsh (in the undisturbed fluid rest frame) as
a function of rsh.
The evolution of Γsh depends only on the Lorentz factor initial dis-
tribution and is then the same for model A, B and C. One sees
that the shock is mildly relativistic with a maximum Lorentz fac-
tor during the shock propagation around Γsh ' 1.65. Even with a
significantly larger contrast in the Lorentz factor distribution, the
shock would remain midly relativistic during its propagation. In
the case of a Lorentz factor distribution going from 100 to 1000,
for instance, the shock Lorentz factor reaches a maximum around
Γsh ' 2. Conversely, for a Lorentz factor distribution going from
100 to 400, the shock would reach at most Γsh ' 1.4.
The density and the magnetic field of the shocked fluid are obvi-
ously no longer identical for models A, B and C. Since ρ is pro-
portional to the wind luminosity assumed, the density implied for
models B and C is then, at any distance form the central source,
30 times larger than for model A. The magnetic field is propor-
tional to (B × Lwind)1/2 and then is also larger for models B and
C, by a factor ∼ √10 for model B and √30 for model C (not dis-
played) for this particular value of Leqwind. The density of the shocked
medium decreases slightly slower than r−2sh during the shock prop-
agation (see Eq. 8), due to the increase of Γres with rsh (see the
lower panel of Fig. 1) and as a consequence, the magnetic field de-
creases slightly slower than r−1sh . At early stages of the shock propa-
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gation, the magnetic field can reach very large values, above 104 G
for Leqwind = 10
53 erg s−1 and even above 105 G for the largest wind
luminosity.
Finally, the bottom right panel shows the evolution of the integrated
dissipated energy (Ediss(r 6 rsh)) as a function of rsh (only the con-
tribution of the long lived shock is shown on this graph). One sees
only a relatively small fraction of the energy is dissipated during
the early stage of the shock propagation (∼ 2/3 of the energy is
dissipated at radii larger than 1015 cm). The total amount of en-
ergy dissipated at the end of the shock propagation in the flow is
Ediss ' 2.8 × 1052 erg in the case of model A, which represent 14%
of the energy injected in the 2s duration relativistic wind. As the
dissipated energy is proportional to the wind luminosity, for a given
Lorentz factor distribution, Ediss is 30 times larger for models B and
C for this assumed value of Leqwind.
It is important to note that the simple approach modeling the
propagation of the shock as a series of elementary collisions be-
tween elementary shells has been validated by the comparison
with a more sophisticated hydrodynamical calculation by Daigne
& Mochkovitch (2000). Although the simple model largely un-
derestimate the density of the shocked fluid at early stages of the
shock propagation (on a range where only a very small fraction of
the energy is dissipated) a good agreement is found between the
two approaches, the density estimated with the simple model being
only slightly lower (within a factor ∼3 to 5) than the one obtained
with the hydrodynamical code. Differences of this magnitude do
not have any strong impact on the results we obtain in the next sec-
tions.
Regarding the large wind luminosities required to account for the
prompt emission luminosity, in particular in the cases of model B
and C, it is important to check that the wind is transparent to Thom-
son scattering, at least during a significant portion of the shock
propagation. The Thomson opacity, at a given distance rsh from the
central source, is in good approximation given by (see Daigne &
Mochkovitch 2002) :
τ =
σT Lwind
8pimp rsh(cΓres)3
. (17)
In the following, we only take into account in our calculations the
phase of the shock propagation for which τ < 0.5. Even for the
largest wind luminosities we assume, the wind remains transparent
during most of the shock propagation, and thus most of the en-
ergy dissipated at the shock can be used to accelerate electrons and
cosmic-rays and produce the prompt emission.
Let us finally note that the different curves shown in Fig. 3 are made
of ∼1000 individual shell collisions in order to follow the evolu-
tion of the physical quantities during the shock propagation. It is of
course not possible to calculate photon emission or cosmic-ray ac-
celeration at 1000 points of the shock propagation. In the following,
we will then further discretize the evolution of the shock and make
calculations at 18 different points representing 18 stages regularly
distributed during the shock propagation. These 18 stages, that we
hereafter call the 18 snapshots, are represented by full circles in the
different graphs of Fig. 3.
2.5 Calculations of photon spectra from the cooling of
accelerated electrons
All the physical quantities estimated in the previous paragraph are
relevant to the calculation of cosmic-ray acceleration at GRB in-
ternal shocks. However, at this point, a key ingredient, namely
the spectrum of background photons in the acceleration region, is
still needed to estimate cosmic-ray energy photo-interactions dur-
ing their acceleration. In the most popular versions of the internal
shock model these background photons are mostly produced by the
cooling of accelerated electrons and are, of course, responsible for
the bulk of GRB prompt emission.To calculate this prompt emis-
sion, we follow step by step the numerical approach developed and
fully described in Bosnjak et al. (2009).
We assume that the accelerated electron spectrum follows a power
law of index p (we use p = 2.05 in our calculations2) in the Lorentz
factor range between Γe,min and Γe,max. Assuming that the acceler-
ation time of the electrons is proportional to their Larmor time, i.e
tacc(e−, E) = κ0 × tL(e−, E) (where κ0 is the proportionality coeffi-
cient we set to 100 in our calculations3, tL(e−, E) = rL(e−, E)/c '
E/ec2B is the Larmor time of the electron of energy E and rL
the corresponding Larmor radius), the maximum Lorentz factor
reached by accelerated electrons Γe,max can be estimated by cal-
culating the energy at which the acceleration time is equal to the
energy loss time.
In the context of GRB internal shocks, the maximum energy of
electrons can either be limited by synchrotron, inverse Compton
or adiabatic losses. In practice we only consider the synchrotron
and adiabatic timescales to estimate Γe,max, since the inverse Comp-
ton timescale cannot be calculated without prior knowledge of the
photon background. Let us note however that the inverse Compton
process is never a dominant source of energy losses for high energy
electrons for the cases we consider in the following.
The timescale for synchrotron losses of an electron with energy E,
tsyn(e−, E), in the presence of a magnetic field B, is given by (in the
limit β→ 1)
tsyn(e−, E) =
6pim2ec
3
σT B2E
' 3.95 × 1014
( E
eV
)−1 ( B
G
)−2
s , (18)
where σT is the Thomson cross section.
The adiabatic losses time scale texp, assuming spherical expansion,
is approximately
texp ' rsh
Γresc
(19)
where rsh and Γres, introduced in the previous paragraph, are respec-
tively the distance of the shock from the source and the Lorentz fac-
tor of the shocked fluid (both estimated in the source frame) One
then obtains:
Γe,max = min

√
6piec
κ0σT B
;
texpeB
κ0me
 (20)
Once Γe,max has been estimated, Γe,min is computed solving Eq. 11.
In all the cases we consider in the following, synchrotron radiation
is the limiting process for electrons acceleration during the whole
shock propagation and moreover the electrons will be in the fast
cooling regime in the whole energy range.
For a given GRB, i.e a given value of Leqwind between 10
51 and
1055 erg s−1 and a given energy redistribution model, we calculate
Γe,min and Γe,max for each of the 18 snapshots discretizing the shock
propagation. For a given snapshot, the electron power law spectrum
between Γe,min and Γe,max serves as the initial distribution of the ac-
celerated electrons in the shocked fluid frame. We then use a radia-
tive code that solves numerically simultaneously the time evolution
2 This assumed value, well in the range suggested by observations, is not
critical for the calculations presented throughout the next sections.
3 This value is consistent with our results in Sect. 3.
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Figure 4. Examples of photon spectra (multiplied by E2) calculated using our modeling of GRB internal shocks and our radiative code. Left : For the 18
snapshots discretising the shock propagation in the case of model A assuming Leqwind = 10
53 erg s−1. Center : in the case of model A assuming Leqwind =
1051, 1052, 1053, 1054, 1055 erg s−1, at the position of snapshot #5 (rsh ' 6.9 1014 cm). Right : For models A, B and C, assuming Leqwind = 1053 erg s−1 at the
position of snapshot #5.
of the energy distribution of electrons and photons (see Bosnjak
et al. 2009 for more details) taking into account the most relevant
processes, namely the adiabatic cooling, the synchrotron cooling
and photon emission (Rybicki & Lightman 1979; Longair 2011),
the inverse Compton scattering (Jones 1968), the synchrotron self-
absorption (Rybicki & Lightman 1979) and the γγ pair produc-
tion (Gould & Shreder 1967). For each snapshot, the evolution of
the energy distributions is followed during a time corresponding to
texp(rsh). In practice, since we are in the fast cooling regime, most of
the evolution, and in particular the formation of the photon energy
distribution, occurs on timescales much shorter than texp.
Fig. 4 shows some examples of photon spectra, in the frame
of the shocked fluid, calculated using the above described mod-
eling of the internal shocks and radiative code. The left panel of
Fig. 4 shows the photon spectra obtained for the 18 snapshots of
the shock propagation in the case of model A and Leqwind(= Lwind) =
1053 erg s−1. This graph shows the evolution of the photon spec-
trum during the shock propagation. The photon density scales, as
expected, approximately as r−2sh and is then ∼ 4 orders of magni-
tude larger at the beginning of the shock propagation than at the
end. One also sees a transition from hard to soft of the peak en-
ergy Epeak due to the evolution of the magnetic field and the dif-
ferent quantities impacting Γe,min. At high energy, the γγ opac-
ity decreases during the shock propagation following the density.
The high energy γγ cut-off is then shifted to higher energies and
the contribution of photons boosted by inverse Compton (or more
precisely synchrotron self-Compton) becomes more visible as the
shock propagates away from the central source and the magnetic
field decreases.
The central panel shows the photon spectra calculated at the posi-
tion of the snapshot #5 (rsh ' 6.9 1014 cm, quite early during the
shock propagation) for model A and different values of Leqwind: 10
51,
1052, 1053, 1054 and 1055 erg s−1. As expected for model A, the pho-
ton density is approximately proportional to Lwind and the peak en-
ergy to L1/2wind (that means approximately proportional to the mag-
netic field). As a result of the photon density evolution with Lwind,
the high energy γγ cut-off is shifted to higher energies as the wind
luminosity decreases together with a larger contribution of inverse
Compton photons (again due to the lower magnetic field).
Finally, the right panel shows photon spectra at the position of snap-
shot #5, assuming Leqwind = 10
53 erg s−1 for models A, B and C (cor-
responding to Lwind = 3 1054 erg s−1 for models B and C). One can
see that the photon spectra are quasi identical for the three models
which was expected since the values of the parameter e and ζ for
models B and C were tuned for that purpose. A small difference
(irrelevant for our calculations in the following) can be seen at high
energy just before the spectral cut-off due to the different contribu-
tions of inverse Compton photons which depend on the value of the
magnetic field (model A, for which the magnetic field is the lowest,
has the strongest contribution from inverse Compton photons).
We calculated the evolution of the photon spectrum during the
shock propagation at various wind luminosities, corresponding to
values of Leqwind between 10
51 and 1055 erg s−1 for models A, B and
C. In the following, these photons will serve as targets for photo-
interactions of accelerated protons and nuclei. It is important to
note that we calculated these photon spectra (in particular γγ inter-
actions assuming the produced photons are distributed isotropically
in the shocked fluid. This is, in principle, not true and Hascoët et
al. (2012) have shown that a more careful treatment of the photon
emission geometry (using the same modeling of internal shocks
as we do here) resulted in lower γγ opacity at high energies (and
then to a higher energy γγ cut-off for a given wind Lorentz factor)
due to the suppression of head-on γγ interaction. The assumption
of isotropy of the photon background in the frame of the shocked
fluid should also have an influence on the photo-interaction rate of
accelerated protons and nuclei. The overestimate of the interaction
rate should be however lower than for γγ interactions since accel-
erated protons and nuclei will be scattered by magnetic fields in
the acceleration region allowing for head-on interactions as in the
assumption of isotropy. It is however important to remind that it is
likely that the photo-interaction rates we calculate in the following
are probably slightly overestimated.
3 COSMIC-RAYS ACCELERATION AT MIDLY
RELATIVISTIC SHOCKS
In the previous section we found that GRBs internal shocks are
mildly relativistic, with typical Lorentz factors lasting between ∼ 1
and ∼ 2, at least for the moderate contrasts in the wind Lorentz
factor distribution we considered in Sect. 2. To discuss cosmic-ray
acceleration at GRBs internal shocks, it is necessary to model first
order Fermi acceleration at (mildly) relativistic shocks.
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3.1 Introduction
Fermi acceleration at relativistic shocks has been studied for three
decades, early studies pointed out (see e.g., the early works by Pea-
cock 1981 or Kirk & Schneider 1987) the significant anisotropies
in the particles distribution function expected in the downstream
(shocked fluid) and the upstream (undisturbed fluid) media due to
the shock velocity. Various shock configurations in terms of the
magnetic field obliquity, the level of turbulence or its power spec-
trum (Kirk & Schneider 1987b; Heavens & Drury 1988; Begel-
man & Kirk 1990; Ostrowski 1991, 1993; Bednarz & Ostrowski
1998; Gallant & Achterberg 1999; Kirk et al. 2000; Achterberg et
al. 2001; Lemoine & Pelletier 2003) were later studied, using in
most cases the "test particle" approach. Some of these studies sug-
gested in particular that, in the case of a highly turbulent magnetic
field and ultrarelativistic shocks, the spectral index of accelerated
particles converges to a value of α ' 2.2 − 2.3. A more elaborated
Monte-Carlo treatment (still using the test particle approach), con-
sidering in particular realistic jump conditions and continuous mag-
netic field lines across the shock front was proposed by Niemiec
& Ostrowski (2004). Their study showed, for mildly relativistic
shocks, that the accelerated particles spectral index can highly vary
depending on the turbulence type and level or the magnetic field
obliquity. They found that, in most cases, particles spectra cannot
be well fitted by a single power law but usually exhibit a quite no-
ticeable curvature. Furthermore, they found steep spectra with early
high energy cut-offs for superluminal shocks configurations. This
trend was later confirmed by the same authors (Niemiec & Os-
trowski 2006a, 2006b) who pointed out the inefficiency of Fermi
acceleration at ultra-relativistic shocks, unless a strong small scale
turbulence is present in the downstream medium. The same con-
clusion was drawn analytically by Lemoine, Pelletier & Revenu
(2006). As a consequence, special efforts were devoted recently to
model the microphysics of ultra-relativistic shocks and, in particu-
lar, the growth of strong small scale turbulence (see the review by
Lemoine & Pelletier 2011). Various types of plasma instabilities
have been studied analytically (Medvedev & Loeb 1999; Lyubarsky
& Eichler 2005; Achterberg et al. 2007; Bret et al. 2010; Lemoine
& Pelletier 2010, 2011). Moreover, important progresses in the un-
derstanding of the microphysics of ultra-relativistic shocks have
been obtained with Particles in Cells (PIC) simulations (Spitkovsky
2008; Hashino 2008; Sironi & Spitkovsky 2009, 2011). The lat-
ter have confirmed that Fermi acceleration should be inefficient at
strongly magnetized ultra-relativistic shocks while the growth of
small scale turbulence is possible (and then particle acceleration
efficient) for much lower magnetizations. In the meantime, the mi-
crophysics of mildly relativistic shocks has been much less inves-
tigated; therefore we will limit ourselves to relatively simple mag-
netic field configurations in what follows.
3.2 Numerical method
For our simulation of cosmic-ray acceleration at mildly relativis-
tic shocks, we follow the numerical test particle method developed
by Niemiec & Ostrowski (2004, 2006a, 2006b). The shock front is
modeled as an infinite planar discontinuity (infinitely thin). In the
upstream medium, the magnetic field is assumed to be an isotropic
and homogenous turbulence to which can be added a regular com-
ponent with an inclination θ with respect to the shock normal. The
downstream magnetic field is obtained applying hydrodynamical
jump conditions (Synge 1953), which give the shock compression
ratio r = βup/βdown (βup and βdown being respectively the velocities
of the upstream and downstream fluid in the shock rest frame), to
the upstream field (see e.g., Gallant & Achterberg 1999; Lemoine
& Revenu 2006). The component of the field parallel to the shock
normal, B‖, is left unmodified by the shock crossing while the per-
pendicular component, B⊥, is multiplied by a factor R =
Γup
Γdown
× r
(Γup and Γdown being respectively the Lorentz factors of the up-
stream and downstream fluid in the shock rest frame). We then have
the following relations :
B‖,up
B‖,down
= 1 (21)
and
B⊥,down
B⊥,up
=
Γup
Γdown
× r = βupΓup
βdownΓdown
(22)
Likewise, we compress the turbulence maximum length scale λmax
by a factor R in the direction of the shock propagation following
Niemiec & Ostrowski (2004). We then apply the above-mentioned
jump conditions to the upstream field. This method ensures that the
turbulence length scale is properly compressed and that the mag-
netic field is continuous across the shock front.
The turbulent component of the magnetic field δB in the up-
stream medium is described by the summation of sinusoidal static
waves. Concretely, the purely turbulent field is represented by a
sum of Nm modes as in Giacalone and Jokipii (1999):
δ~B =
Nm∑
n=1
Akn~ξn exp(iknz
′
n + iβn), (23)
where ~ξn = cosαn~x′n + i sinαn~y
′
n, αn and βn are random phases (cho-
sen once) and [x′n, y
′
n, z
′
n] = [R(θn, φn)] × [x, y, z] are coordinates
obtained by a rotation of the reference frame bringing the z axis
in the direction of the nth contributing wave (i.e. ~kn is in direction
[θn, φn], also chosen randomly). The amplitude A(kn) is determined
as a function of ‖~kn‖ according to a specific assumption on the type
of turbulence (here, we will assume in most cases a Kolmogorov
spectrum with wavelengths between λmin and λmax) and the chosen
field variance (see Giacalone and Jokipii 1999, for more details).
In the following we assume Nm = 600 modes between wavelengths
λmin = 10−6 × λmax and λmax (the modes are separated by a con-
stant logarithmic step of 0.01, that is, 100 modes per wavelength
decade). Once the turbulent field is modeled, the spatial transport
of charged particles is simply followed by integrating the Lorentz
equation, γ d~vdt =
q
m~v × ~B, which we performed with the fifth order
Runge-Kutta method (Press et al. 1993 and references therein).
In the following paragraph, we discuss cosmic-ray accelera-
tion at mildly relativistic shocks for different combination of physi-
cal parameters that are expected to influence the cosmic-ray output
after a Fermi-type acceleration: the shock Lorentz factor, the type
of turbulence (i.e, the index of the turbulence power spectrum), the
obliquity of the regular field component and the turbulence level.
For a given set of parameters, we calculate the spectrum of accel-
erated particles by integrating particles trajectories alternatively in
the downstream and in the upstream rest frame during their whole
journey in the vicinity of the shock. The characteristics of a particle
(the energy, the velocity vector, the position and elapsed time in the
acceleration region) are Lorentz transformed accordingly at each
shock crossing. Particles are followed until they are either advected
far away downstream or manage to escape far upstream. An exam-
ple of a particle trajectory, as seen in the shock frame and projected
in the (x, z) plane, is shown in Fig.5. In the following, we consider
particles which are ultra-relativistic already at "injection" and on
the whole energy range (the momentum p ' E and the rigidity
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Figure 5. Exemple of a trajectory of an accelerated particle as seen in the
shock rest frame, projected on the (x, z) plane, the shock Lorentz factor is
Γsh = 1.1 (along the z axis), the magnetic magnetic field is purely turbulent
with a Kolmogorow power spectrum. The particle with initial energy E0 =
10−6 × Emax achieves 9 cycles before being advected downstream with a
final energy E f ' 70 × E0.
% ' E/Z for ultra-relativistic particles). Practically, our simulations
start with N particles (for most simulations with take N between
30000 and 60000) injected upstream of the shock with an energy
E0 = 10−6 × Emax, Emax being the energy at which the Larmor (or
gyration) radius equals the largest turbulence length scale, i.e.
Emax : rL(Emax) ≡ λmax. (24)
The N particles are initially distributed isotropically upstream and
eventually enter the downstream medium after crossing the shock
front. Each trajectory is followed in the compressed turbulence
in the downstream medium until the particle either returns to the
shock or is advected far away, in which case we consider the par-
ticle will never come to the shock front again. In practice, we con-
sider a particle is advected far away downstream (and then is lost
for the acceleration process) if it has not come back to the shock
front after a duration of 2000 Larmor times tL(E) (where E is the
current energy of the particle in the downstream rest frame). We
checked that changing this duration criterion to larger values did
not affect any of the results shown in the following. After the tra-
jectories of all the particles have been computed, the particles that
have been advected far away downstream are replaced by duplicat-
ing those that managed to return to the shock front following the
trajectory splitting algorithm of Niemiec & Ostrowski (2004). The
strategy is to divide the weight of the duplicated particle accord-
ing to the number of duplications it suffered. The position of the
daughter particle is then slightly modified by a small fraction of the
minimum turbulence length scale of the magnetic field. The charac-
teristics of the new set of N particles are then Lorentz transformed
to follow each trajectory in the upstream frame until the particle
either crosses the shock again or escape far away upstream. For the
latter case, we set a free boundary escape at a distance r = 10 λmax
away from the shock front (the boundary is moving with the shock).
Once all the particles trajectories have been computed, the splitting
procedure is applied again. Practically, the upstream boundary es-
cape is only relevant for energies approaching Emax. At lower ener-
gies, all the particles end up being outrun by the shock. The whole
procedure is applied for the subsequent cycles until either all the
particles escape at a given step, or the energy of the particles ex-
ceed 100 Emax. Let us note that, in the rest of this section, the en-
ergy scale is defined relative to the maximum energy Emax defined
in Eq. (24), and similarly the acceleration times are given in units
of the Larmor time at this specific energy tL(Emax). The results we
obtain can be rescaled to energy units by specifying explicitly the
value of the magnetic field, the maximum turbulence scale and the
charge of the particle. In the absence of energy losses (which will
be the case in the next paragraph), there is a complete symmetry
in the behavior of different nuclear species (different nuclei with
different charges Z) at a given rigidity % ' E/Z with respect to the
acceleration process.
3.3 Results
3.3.1 Accelerated particles spectra
We apply the above described simulation procedure to different sets
of physical parameters of the shock. In each case, we calculate the
spectra of particles advected downstream and escaping upstream as
well as the evolution of the acceleration time with the energy. The
quantities displayed in this section (energies and times) are calcu-
lated in the shock rest frame. Spectra of particles advected down-
stream for shock Lorentz factors Γsh between 1.1 and 1.9 (covering
most of the range of the shock Lorentz factors during the evolution
of the GRB single pulse we consider) are displayed in Fig. 6. We
assume a purely turbulent magnetic field, isotropic in the upstream
medium and following a Kolmogorov scaling for the the turbulence
power spectrum (F(k) ∝ kn with n = −5/3). We do not consider,
however, the dynamics of the magnetic field in a consistent way (i.e,
we do not treat wave growth, damping and cosmic-ray back reac-
tion). As mentioned earlier, energies are expressed in units of Emax.
All the calculated spectra exhibit an initial bump corresponding to
the larger mean energy gain experienced during the first Fermi cy-
cle (see for instance Gallant & Achterberg 1999) due to the as-
sumed initial isotropy of the particles in the upstream rest frame.
This appears as a distinct bump in the spectra because all the parti-
cles are artificially injected at the same energy in the calculations.
Above these low energy bumps, the spectra deviate from a single
power law, as can be seen in the lower panel of Fig. 6. The different
curves exhibit a similar trend, a hard spectrum at low energy that
get gradually softer as the energy increases before flattening again
at E ' Emax. A similar behavior was already found and discussed
in Niemiec & Ostrowski (2004). At low energy the probability for
the particles to be reflected after crossing the shock from upstream
to downstream is large due to the compression of the magnetic field
behind the shock and the low amplitude of the turbulence in the res-
onant modes for low energy particles. Diffusion across field lines
becomes gradually more efficient as the energy increases, leading
to a decrease of the reflection probability which results in a soften-
ing of the spectra. At higher energy (close to Emax) the spectra show
another hardening of the slope as particles enter the weak scattering
regime (rL(E) & λmax).
The competition between reflexion and transmission has been
investigated in great detail in Niemiec & Ostrowski (2004). We also
note that the curvature (deviation from a single power law) of the
spectra, is absent when the compression of the magnetic field be-
hind the shock is disabled. In these cases, we found that the spec-
tra of accelerated particles for the same Lorentz factor range can
be well fitted by single power laws (with indices between ∼ 1.8
and ∼ 2.2). The above-mentioned effects are less pronounced for
shocks with low Lorentz factors (1.1 and below), as the situa-
tion gets closer to the non-relativistic regime (Γsh → 1). At large
Lorentz factors (∼ 2.5 and above) the spectra obtained are much
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Figure 6. Top : Energy spectra of particles advected downstream for dif-
ferent shock Lorentz factors Γsh : 1.1 (βsh ' 0.42), 1.3 (βsh ' 0.64), 1.5
(βsh ' 0.75), 1.7 (βsh ' 0.81), 1.9 (βsh ' 0.85). In all cases, the magnetic
field is assumed to be purely turbulent with a Kolmogorov power spectrum.
Bottom : Same as in the upper panel but the spectra are now multiplied by
E2.
.
steeper (softer) and display early high-energy cut-offs, confirming
that Fermi acceleration becomes progressively inefficient for in-
creasingly relativistic shock velocities (see Niemiec & Ostrowski
2006a, 2006b; Lemoine, Pelletier & Revenu 2006).
At energies above Emax, a cut-off is finally observed in all
cases due to the efficient escape through the free boundary we
placed in the upstream medium. As can be seen in Fig. 7, the spectra
of particles escaping upstream are extremely peaked as the escape
upstream of the shock is only efficient for particles with energies
close to Emax which are only weakly deflected by the magnetic tur-
bulence and can outrun the shock long enough to reach the bound-
ary. The energy range on which the escape upstream is operative
mainly depends on two physical parameters, namely the distance
of the free boundary and the shock Lorentz factor. The spectrum
of particles escaping upstream is expected to be shifted to higher
(resp. lower) energies as the free boundary is located further (resp.
closer) from the shock (however, we observed that placing the free
boundary at a distance λmax from the shock instead of 10×λmax only
produces a slight shift to lower energies). The shock Lorentz fac-
tor dependence is also intuitive (and the effect can be observed in
Fig. 7): the faster the shock the higher the energies of escaping par-
ticles, since particles of a given energy will be more easily caught
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Figure 7. Spectra (multiplied by E2) of accelerated particles advected
downstream of the shock (same as in Fig. 6) and of accelerated particles
escaping upstream (bell-like shapes) as seen in the shock rest frame. The
cases of shock Lorentz factors 1.1 and 1.5 are displayed (the other cases
displayed in Fig. 6 are omitted for clarity).
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Figure 8. Spectra (multiplied by E2) of accelerated particles advected
downstream of the shock (Γsh = 1.5) for three different turbulence power
spectra : a Kolmogorov turbulence F(k) ∝ k−5/3, a Kraichnan turbulence
(F(k) ∝ k−3/2) and a hard power spectrum (F(k) ∝ k−1).
up by the shock before reaching the escape boundary if the shock
velocity is higher. Let us add that for purely turbulent fields, the es-
cape upstream does not strongly depend on the assumed turbulence
power spectrum as particles must be, in all cases, in the weak scat-
tering regime in order to escape through the free boundary. In the
presence of a regular magnetic field (hereafter noted B0), the escape
upstream can however strongly depend on its obliquity, character-
ized by the parameter θ (the angle between B0 and the normal to
the shock), and on the turbulence level (i.e. the ratio δB/B0).
Although we will exclusively use purely turbulent magnetic
fields with a Kolmogorov power spectrum in our final calculations
(with energy losses), we found it useful to discuss how predic-
tions on the accelerated particle spectrum and acceleration time
are affected when assuming different background magnetic field
structures. In the following, we consider the effect of the turbu-
lence power spectrum, the turbulence level and the presence of a
regular magnetic field component with different obliquities. The
spectra of accelerated particles advected downstream of the shock,
for different type of turbulence, are shown in Fig. 8. Three differ-
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Figure 9. Spectra (multiplied by E2) of accelerated particles advected
downstream, for the cases of shocks with Lorentz factor 1.5, Kolmogorov
turbulence power spectrum, turbulence level δB/B0 = 1 and three different
obliquities of the magnetic field θ = 15◦, θ = 45◦ and θ = 75◦.
ent turbulence power spectra are displayed (in each case, the as-
sumed shock Lorentz factor is Γsh = 1.5): a Kolmogorov turbulence
(F(k) ∝ k−5/3), a Kraichnan turbulence (F(k) ∝ k−3/2) and a hard
power spectrum turbulence (F(k) ∝ k−1). In all cases, the spectrum
shows the same kind of curvature, as discussed above; the slope
of the accelerated particles spectrum in the different regimes, and
consequently the total available energy communicated to the high-
est energy particles, appears however to depend somewhat on the
turbulence power spectrum.
We now turn to the case of the presence of a non negligi-
ble regular magnetic field B0. We first consider a turbulence level
δB/B0 = 1, and three different obliquities θ = 15◦ (quasi-parallel
shock), θ = 45◦, and θ = 75◦ (quasi perpendicular shock). The
results are displayed in Fig. 9. In the quasi-parallel shock config-
uration, the regime of efficient reflexion lasts longer than in the
purely turbulent case due to the presence of the regular field. As a
result, the spectrum of particles advected downstream is globally
harder and the softening regime less pronounced. The two other
cases (θ = 45◦ and θ = 75◦) show more pronounced and earlier
softenings of the spectrum as one moves to increasingly superlumi-
nal (i.e, βup/ cos θ > 1) shock configurations (βup/ cos θ ' 3 (resp.
1.06) for θ = 75◦ (resp. θ = 45◦). Let us note in addition that the
escape upstream (not displayed in Fig. 9 is favored for the quasi-
parallel shock case while highly suppressed (or even non existent)
for θ = 45◦ and θ = 75◦.
In addition to the case δB/B0 = 1, we considered two other
turbulence levels, δB/B0 = 0.33 and δB/B0 = 3. The results are dis-
played in Fig. 10. For the weakest turbulence assumed, the trends
observed for the δB/B0 = 1 case are enhanced due to the sup-
pression of the diffusion across field lines (which is favored when
the turbulence is strong). For the quasi-parallel shock, the spectrum
of particles advected downstream is hard and does not show any
visible softening below Emax, where the spectrum is finally broken
due to the very efficient escape upstream. For θ = 45◦, the spec-
trum shows an early softening and then a cut-off more pronounced
than in the case δB/B0 = 1. For the highest level of turbulence
(δB/B0 = 3), spectra obtained for obliquities θ = 15◦, and θ = 45◦
start to converge toward the purely turbulent case and the two cases
look quite similar (this is also true to a lesser extent for the case
of the quasi-perpendicular shock, θ = 75◦). The escape upstream is
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Figure 10. Same as Fig. 9 Cases of regular fields with given obliquity are
now studied for three different turbulence levels : δB/B0 = 0.33, δB/B0 = 1
and δB/B0 = 3. Top : for a magnetic field obliquity of θ = 15◦. Bottom :
for a magnetic field obliquity of θ = 45◦.
however still favored for the quasi-parallel shock configuration and
somewhat suppressed for higher obliquities at this level of turbu-
lence.
Overall, the trends we observe are in good agreement with the
more complete study of cosmic-ray acceleration at mildly relativis-
tic shock of Niemiec & Ostrowski (2004). The fraction of the avail-
able energy that can be communicated to very-high or ultra-high
energy particles appears to depend on the shock physical parame-
ters; the optimum case is reached when assuming a Kolmogorov or
Kraichnan turbulence power spectrum. The effect of a regular com-
ponent of the magnetic field is significant at low turbulence levels:
the acceleration is more efficient at low obliquities while superlu-
minal shock configurations result in much softer spectra with early
cut-offs.
3.3.2 Acceleration times
The acceleration time is a crucial quantity for cosmic-ray acceler-
ation, as in astrophysical sources, an acceleration process can only
be efficient if the acceleration time is smaller or comparable to the
energy loss or dynamical time scales. In this paragraph, we briefly
discuss the acceleration times corresponding to the spectra we pre-
viously obtained. These acceleration times will be used in the next
section to make preliminary estimates of the expected maximum
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Figure 11. Distribution of acceleration times for different energy bins (in
unit E/Emax), from left to right : 10−4.3, 10−3.7, 10−3.1, 10−2.5, 10−1.9,
10−1.3, 10−0.7, 10−0.1. Each distribution is compared to the assumption
tacc(E) = 10×tL(E) (vertical lines). The two panels show the cases of shocks
with purely turbulent magnetic fields (with a Kolnogorov power spectrum)
and Lorentz factor 1.1 (top) and 1.5 (bottom).
energy reachable at GRBs internal shocks and its dependence on
various physical parameters.
We calculate the acceleration time by computing the quantity
E∆T/(E f − Ei) (where Ei and E f are the energies at the begin-
ning and at the end of a cycle respectively, E = (Ei + E f )/2 and
∆T is the duration of a cycle), for each individual complete cy-
cle downstream→upstream→downstream of each simulated parti-
cles. We then calculate the mean value in each energy bin to obtain
< tacc(E) >.
We first consider the case of shocks with various Lorentz factors
between 1.1 and 1.9 and purely turbulent magnetic fields with a
Kolmogorov power spectrum. The energies are given in Emax units
and the acceleration times in tL(Emax) units. The distribution of ac-
celeration times for different energy bins is shown in Fig. 11 for two
different shock Lorentz factors (Γsh =1.1 and 1.5) and compared
with the acceleration time expected under the assumption (often
used in cosmic-ray acceleration calculations) of proportionality be-
Figure 12. Energy evolution of the average acceleration time for shocks
with Lorentz factors between 1.1 and 1.9 and purely turbulent magnetic
fields (with a Kolmogorov power spectrum).
tween the acceleration time and the Larmor time of the particle:
tacc(E) = κ0tL(E), with κ0 = 10 in Fig. 11. Moreover, the energy
evolution of the mean value of the acceleration time, < tacc >,
shown in Fig. 12 (for shock Lorentz factors between 1.1 and 1.9
as in Fig. 6) is well described by a broken power law, < tacc >
increasing faster as the energy approaches Emax. One can see, how-
ever, a slight softening at the highest energies due to the fact that
we considered only in these plots particles that end up being ad-
vected downstream. Above Emax an increasing fraction of the parti-
cles manage to escape through the boundary layer upstream and are
not caught back by the shock. Only those which did not escape up-
stream contribute to the average acceleration time at these energies,
explaining the softening4. In addition, one sees that the acceleration
time gets shorter for larger Lorentz factors. A simple qualitative un-
derstanding of these trends can be obtained by noticing that (at least
for the cases we studied, with a compressed magnetic field in the
downstream medium) particles spend on average more time in the
upstream medium (although the average time spent downstream is
of the same order of magnitude). The shorter acceleration time at
a given energy for larger shock Lorentz factors comes, to some ex-
tent5, from the fact that, in the upstream frame, a smaller deflexion
with respect to the initial direction is needed for a particle to be
caught back by the shock. One can relate the behavior observed in
Fig. 12 to the energy evolution of the average time for a particle
to be deflected by an angle βsh (corresponding to Γsh between 1.1
and 1.9) from its initial direction shown in Fig. 13. Similar broken
power laws are observed, the inflection is located approximately in
the same energy range and marks the transition toward the weak
scattering regime (rL(E) & λc, with λc the coherence length of the
magnetic field6).
4 We checked, in one case, that this softening was removed by placing the
free boundary much further away. This procedure is however costly in com-
putation time as high energy particles can spend a very long time upstream
before being caught by the shock front.
5 The larger average energy gain at each cycle also contributes to the short-
ening of the acceleration time for larger shock Lorentz factors.
6 The coherence length λc is in general a fraction (typically a few tenth)
of the maximum turbulence scale λmax. The numerical relation between λc
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Figure 13. Energy evolution (in units of Emax) of the average time tdec (in
units tL(Emax)) for a particle to suffer deflection of an angle βsh (correspond-
ing to the shock velocity upstream) from its initial direction. Different shock
Lorentz factors are considered : Γsh =1.1, 1.3, 1.5, 1.7 and 1.9.
Figure 14. Energy evolution of the average acceleration time for shocks
with Lorentz factor 1.5 and a purely turbulent magnetic field. Three different
cases of turbulence power spectrum are displayed : Kolmogorov (F(k) ∝
k−5/3), Kraichnan (F(k) ∝ k−3/2) and a hard power spectrum (F(k) ∝ k−1).
The energy evolution of the acceleration time we observe is
in any case far from showing a linear relation with the Larmor
time, tacc(E) = κ0tL(E), as already emphasized in Gialis & Pel-
letier (2003). At the energy E = Emax, κ0 ' 13 for Γsh = 1.9, ' 20
for Γsh = 1.5 and ' 80 for Γsh = 1.1. Let us note that the en-
ergy evolution of the acceleration time does not depend much on
the turbulence power spectrum in the weak scattering regime, as il-
lustrated in Fig. 14, that displays the energy evolution of the mean
value of the acceleration time < tacc > for Kolmogorov, Kraichnan
and λmax depends on the turbulence power spectrum (λc ' 0.2 × λmax for a
Kolmogorov power spectrum)
Figure 15. Energy evolution of the average acceleration time for shocks
with Lorentz factor 1.5. The case of a purely turbulent magnetic field is
compared with cases including regular magnetic fields (δB/B0 = 1) with
different obliquities (θ = 15◦, θ = 45◦ and θ = 75◦)
and hard turbulence power spectra (for Γsh = 1.5 as in Fig. 8). This
is, of course, not the case at lower energy where particles have a
resonant interaction with the magnetic turbulence.
Shorter acceleration times can be obtained at higher energies
for oblic (θ = 45◦) or quasi-perpendicular (θ = 75◦) shock configu-
rations, as shown in Fig. 15. This is due to the fact that an oblic reg-
ular field leads, in particular, to a shorter time spent in the upstream
frame (the opposite is true for the quasi-parallel shock θ = 15◦).
The price to pay for these shorter acceleration times is however to
get much steeper spectra at high energy (as seen in the previous
paragraph and in Figs. 9 and 10).
3.3.3 Comments on the particles escape
Particles escape is a very important ingredient of cosmic-ray accel-
eration; in the previous paragraphs we treated the escape of parti-
cles upstream and downstream of the shock in different ways. For
the escape upstream, a free boundary located at a distance from
the shock front proportional to the maximum turbulence scale was
assumed. We will still use this description in the following, assum-
ing that the turbulent field upstream is produced by the accelerated
cosmic-rays themselves and does not extend further away than a
few times the Larmor radius of the highest energy accelerated par-
ticles from the shock at a given time. As seen in the previous para-
graph, a free boundary escape upstream of the shock acts naturally
as a high pass filter, since the particles must outrun the shock long
enough to reach the boundary, which implies that particles must be
in the weak scattering regime (E ' Emax and above).
In the downstream frame, in the absence of energy losses (and
under the assumption of stationarity), the escape of cosmic-rays
has no reason to behave as a high pass filter since particles are able
to drift away from the shock at all energies and should, in princi-
ple, be able to reach a free boundary at an arbitrary location in the
downstream medium after some time (that can be very long for low
energy particles). To treat the escape downstream of the shock in
the previous calculations, we used a residence time criterion (see
above) instead of a free boundary placed at a given point of space
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Figure 16. Comoving thickness of the downstream medium as a function
of the shock radius estimated in the central object rest frame (courtesy of
Frédéric Daigne).
in order to save computational time. In the absence of energy losses
the two approaches should lead to identical results as soon as the
residence time criterion is well chosen. This is no longer true, how-
ever, in the presence of energy losses. In this case, the location
of the free boundary needs to be specified explicitly as the time
needed to reach the boundary must be shorter than the energy loss
time scale in order for a particle at a given energy to escape before
being cooled. As we will see in the following, the energy loss pro-
cesses at GRB internal shocks are expected to affect particles at all
energies, so it is likely that the escape of particles downstream of
the shock also behaves as a high pass filter. The modeling we used
in Sect. 2 to describe GRBs internal shocks and calculate SEDs
does not allow to compute the thickness of the shocked region (i.e,
the downstream medium) and its time evolution. A hydrodynam-
ical treatment is required to compute this quantity. For that pur-
pose, we used the hydrodynamic code implemented by Daigne &
Mochkovitch (2000) using the same Lorentz factor distribution as
in Sect. 2. The comoving thickness of the shocked medium (i.e, the
distance between the shock front and the boundary of the shocked
medium) as a function of the shock radius rsh (in the central source
frame) is displayed in Fig. 16, we will use this estimate of the down-
stream medium thickness for our calculations of CR acceleration in
the presence of energy losses in the next sections.
4 MODELING OF THE ENERGY LOSSES AND
PRELIMINARY ESTIMATE OF THE MAXIMUM
ENERGY REACHABLE
4.1 Cosmic-rays energy losses during the prompt phase
We now turn to the estimate of cosmic-ray energy losses during
the GRB prompt emission phase which we assume to be related to
internal shocks. As mentioned earlier, the injection and survival
of heavy nuclei (iron) in GRB jets has been studied in detail by
Horiuchi et al. (2012). Nuclei can be injected at the base of the
jet directly from the disk surrounding the central newly formed
black hole. They can also be entrained via instabilities at the
boundary of the jet during its propagation throughout the star.
Figure 17. Lorentz factor evolution of protons energy loss times for the
pair production and pion production processes, the case of the snapshot 5
(rsh = 6.9 1014 cm) for model A and Lwind = L
eq
wind = 10
53 erg s−1 is shown.
They can finally be synthesised within the jet itself if nucleons
can condensate, forming first α particles and then heavier nuclei
(Metzger et al. 2011). Nuclei can be destroyed by spallation or
photodisintegration reactions. Spallation occurs in regions where
a strong gradient exists between the jet and its surrounding so
that collisions between nuclei and energetic protons are possible.
Photodisintegration can take place in regions where the photons
density above a few MeV (in the nucleus rest frame) is sufficiently
large. It can be the case in the inner jet or conversely at large
distance where dissipation occurs and the GRB prompt emission
photons are produced. Photodisintegration at the origin of the jet
can be strongly suppressed in the case of magnetic acceleration
since the entropy is much smaller than for thermal acceleration
(the internal shock model actually favours magnetic acceleration
in order to limit the brightness of the photospheric emission).
Photodisintegration by the GRB prompt emission photons is
discussed in detail in the following sections.
We will simply do the following :
(i) assume that nuclei can be present at a significant level in the
relativistic wind composition at the beginning of the internal shock
phase;
(ii) study their survival during their acceleration at internal shocks;
(iii) study their capability to escape from the acceleration site.
There are several mechanisms responsible for the energy
losses of cosmic-ray protons and nuclei during their acceleration at
GRBs internal shocks. Cosmic-rays can loose energy through adi-
abatic processes due to the expansion of the wind, by synchrotron
radiation in the very intense magnetic fields that may be at work
during internal shocks (see Sect. 2), by photo-interactions with the
photons of the prompt emission or by hadronic interactions with the
baryonic component of the wind. Concerning photo-interactions of
protons and nuclei, the main processes are the same as those en-
countered in UHECR intergalactic propagation. The e+e− pair pro-
duction is the significant photo-interaction process with the lowest
photon energy threshold (Eγ ∼ 1 MeV) in the proton or nucleus
rest frame (PRF or NRF). We treat this process as a continuous
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energy loss mechanism following Rachen (1996) (in particular for
the scaling with the mass number A and the charge Z of the nu-
cleus). The spectra of the produced e+e− pairs are estimated fol-
lowing Kelner & Aharonian (2008). In the case of protons, pho-
tomeson production (with the dominant contribution of pion pro-
duction) starts to dominate at Eγ ∼ 140 MeV in the PRF. In the
following, to model this process, we use the SOPHIA event gen-
erator presented in Mücke et al. (2000). This generator allows a
precise Monte-Carlo treatment of the proton energy losses as well
as the production of secondary particles for each interaction. The
energy loss (or attenuation) time of protons as a function of their
Lorentz factor in the shocked medium is given in Fig. 17, for the
pair production and photomeson processes for a GRB of wind lu-
minosity Leqwind = 10
53 erg s−1 for the snapshot #5 (rsh ' 6.9 × 1014
cm, see Sect. 2).
In the case of nuclei, above the pair production threshold, dif-
ferent photodisintegration processes become dominant at different
photon energies in the NRF. The lowest energy and highest cross
section process is the giant dipole resonance (GDR). The GDR is
a collective excitation of the nucleus in response to electromag-
netic radiation between ∼ 10 and 50 MeV where a strong resonance
can be seen in the photoabsorption cross section (e.g., Khan et al.
2005). The GDR mostly triggers the emission of one nucleon (most
of the time a neutron but depending on the structure of the parent
nucleus, α emission can also be strong for some nuclei), two, three
and four nucleons channels can also contribute significantly though
their energy threshold is higher. In the following, the different chan-
nels of the GDR are modeled using theoretical calculations from
Khan et al. (2005) and parametrizations for nuclei with mass A 6 9
from Rachen (1996). Around 30 MeV in the nucleus rest frame and
up to the photopion production threshold, the quasi-deuteron (QD)
process becomes comparable to the GDR (but much lower than at
the peak of the resonance) and its contribution dominates the to-
tal cross section at higher energies. Unlike GDR, QD is predomi-
nantly a multi-nucleon emission process. The photopion production
(or baryonic resonances (BR)) of nuclei becomes relevant above ∼
150 MeV in the nuclei rest frame. The large excitation energy usu-
ally triggers the emission of several nucleons in addition to a pion
that might be reabsorbed before leaving the nucleus. Below 1 GeV,
the cross section is in good approximation proportional to the mass
(this scaling slowly breaks above 1 GeV due to nuclear shadowing).
The quasi-deuteron and pion production (baryonic resonances) pro-
cesses are calculated following Rachen (1996), for the cross section
inelasticities (nucleon yields) and secondary particle emission. Let
us note that, as in the case of photomeson production for protons,
the three main photodisintegration processes for nuclei are treated
stochastically in the following sections. The contribution of the dif-
ferent processes to the photodisintegration interaction time, as a
function of the Lorentz factor of an iron nucleus, is displayed in the
upper panel of Fig. 18 (still for Leqwind = 10
53 erg s−1, snapshot #5).
One can see that the GDR process dominates up to relatively large
Lorentz factors before the BR process takes over. In the follow-
ing, we will actually never reach Lorentz factors large enough for
the BR process to have a dominant contribution to nuclei photodis-
integration and secondary particle production. The Lorentz factor
evolution of the total interaction time, as the shock propagates in
the wind (i.e, for the 18 snapshots we consider), is displayed in the
lower panel.
Although not as significant as photo-interactions, hadronic in-
teractions cannot be neglected in the case of large wind luminosi-
ties (namely model B and C in Sect. 2.) To model hadronic inter-
actions we use the EPOS 1.99 event generator (Werner et al. 2006;
Figure 18. Top: Lorentz factor evolution of Fe nuclei interaction times for
the main photodisintegration processes (GRD, QD and BR); the case of the
snapshot 5 (rsh = 6.9 1014 cm for Lwind = L
eq
wind = 10
53 erg s−1 and model
A is shown. Bottom: Lorentz factor evolution of Fe nuclei total interac-
tion time for photodisintegration for the 18 snapshots discretizing the shock
propagation (Lwind ≡ Leqwind = 1053 erg s−1, model A).
Pierog & Werner 2009) and assume that protons and nuclei inter-
act with a baryon background essentially made of protons (this as-
sumption is however not critical for the results discussed in the fol-
lowing sections). As the EPOS model does not treat the fragmen-
tation/evaporation of the residual nucleus after the interaction (but
instead divides the parent nucleus into participant and spectator nu-
cleons) an addition algorithm must be added to estimate the mass
and charge of the daughter particle after interaction. For that pur-
pose, we reproduced the algorithm used in the air shower simulator
CORSIKA (Heck et al., 1998) based on the works on fragmenta-
tion/evaporation of nuclei in high energy collisions by Campi &
Hufner (1981) and Gaimard (1990).
As seen in Sect. 2, the magnetic fields invoked in the frame-
work of the internal shock model can be extremely strong (some-
times several tens of kilogauss) and become important source of
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energy losses during the acceleration of protons and nuclei through
synchrotron radiation. The synchrotron loss time of protons and
nuclei is given by
tsyn(E,M,Z) =
(
M
me
)4 1
Z4
6pim2ec
3
σT B2E
=
(
M
me
)4 1
Z4
tsyn(e−, E) s, (25)
where E, M and Z are the energy, mass and charge of the nucleus,
σT the Thomson cross section, me the mass of the electron and
tsyn(e−, E) the synchrotron loss time of an electron at the same en-
ergy. Moreover, the typical energy of the emitted photons by a nu-
cleus of mass M, charge Z and Lorentz factor γ is
Esyn(γ,M,Z) ' 1.75 × 10−8γ2Z
( B
G
) ( M
me
)−1
eV. (26)
4.2 Preliminary estimates of the maximum energy reachable
4.2.1 Competition between acceleration and energy losses
Using our modeling of GRBs internal shocks introduced in Sect. 2,
we are able to estimate the energy loss times for each of the above-
mentioned processes and their evolution during the shock propaga-
tion (i.e, for each snapshot) for the different energy redistribution
models and the different burst luminosities. In addition, estimat-
ing the important physical quantities of internal shocks (such as the
magnetic field B or the shock Lorentz factor Γsh) allows us to nor-
malize our results on cosmic-ray acceleration at mildly relativistic
shocks, given in units of Emax in Sect. 3, in terms of energy units
(eV). In particular, the acceleration times we obtained can be com-
pared to energy loss times in order to estimate the maximum energy
reachable during the shock propagation for the different models
and luminosities considered in Sect. 2. A supplementary hypoth-
esis about the maximum length scale of the turbulent field, λmax, is
needed in order to translate the acceleration times we obtained in
Sect. 3 (in unit of tL(Emax)) into energy units. We will first arbitrar-
ily assume that λmax is a small fraction of rsh/Γres (we remind that
Γres is an estimate of the Lorentz factor of the shocked medium in
the central object frame, see Eq. 4 and the lower panel of Fig. 1):
λmax = rsh/30Γres. We will however discuss later in this paragraph
the influence of the choice of λmax on our results and how it will be
implemented in the Monte-Carlo calculations in the next section.
Let us note that for each snapshot (which corresponds to a given
value of rsh during the shock propagation) we obtained a value of
Γsh that does not strictly correspond to the shock Lorentz factors
simulated in Sect. 3 (Γsh =1.1, 1.3, 1.5, 1.7 and 1.9). In order to
obtain acceleration times for a given snapshot, we simply use the
results obtained for the closest Lorentz for which shock accelera-
tion simulations where performed.
Examples of the competition between cosmic-ray accelera-
tion and energy loss processes are shown in Fig. 19 for protons
and Fig. 20 for Fe nuclei (the signification of the different lines
and shaded areas is clarified in Fig. 21) for different snapshots, for
model A (equipartition) and Lwind ≡ Leqwind = 1053 erg s−1. In the case
of protons, one sees that the acceleration is limited at all radii by
adiabatic losses. Pion production and other energy loss processes
are subdominant during the whole shock propagation (at least for
this wind luminosity). In the case of Fe nuclei (and in general in
the case of nuclei heavier than protons), the situation is slightly
more complicated. During the first few snapshots, energy losses
are dominated by photodisintegration processes which become pro-
gressively subdominant as the shock propagates away from the cen-
tral object. The radius at which photodisintegration become sub-
Figure 19. Energy evolution of the competition between the acceleration
time and the energy loss times for the most significant energy loss pro-
cesses (see caption of Fig. 21 for more details) at different stages of the
shock propapagation (snapshots 3, 5, 8 and 13) for protons, Lwind ≡ Leqwind =
1053 erg s−1, model A.
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Figure 20. Same as Fig. 19 in the case of Fe nuclei.
Figure 21. Legend of Figs. 19, 20 and 22. The different broken lines rep-
resent the energy evolution of the loss time for the main energy loss pro-
cesses : adiabatic losses, synchroton, pair production, pion production (for
protons) or photodisintegration (for nuclei) and hadronic interactions. The
heavy line shows the energy evolution of the acceleration time deduced
from Sect. 3 (up to E = 3 × Emax) and the dark shaded area the associated
90% spread (see Fig. 11). Lighter shaded areas delimited by the assump-
tions tacc(E) = κ0 × tL(E) with κ0 =1, 10, 100 and 1000 (from bottom to
top) are also shown for comparison.
dominant obviously depends on physical assumptions such as the
wind luminosity. By comparing the expected acceleration time and
the different energy loss times, one can define the maximum reach-
able energy Elossmax as the energy at which tacc(E) = tloss(E), tloss(E)
being the total energy loss time. In the case of model B, the compe-
tition between acceleration and energy losses is shown in Fig. 22,
for protons (top) and Fe nuclei (bottom) for the snapshot #5 and
Leqwind = 10
53 erg s−1. This figure can directly be compared to the
same snapshot for model A in Figs. 19 & 20. In model B, the accel-
eration time and the energy loss time curves cross at higher energy
due to the larger magnetic field which allows a faster acceleration.
For protons, the difference for Elossmax between models A and B is
proportional to the difference between the values of the magnetic
field, because the main energy loss process (adiabatic losses) does
not depend on the particle energy. It is not the case for nuclei heav-
ier than protons, as photodisintegration (which is in that case the
dominant energy loss process) loss time decreases as the energy in-
creases. As a result, Elossmax is larger in the case of model B but the
gain is not proportional to the increase of the magnetic field. One
can also notice that synchrotron loss time as well as hadronic loss
time are shorter in the case of model B, due to the larger value of
the magnetic field and the larger wind luminosity Lwind assumed.
4.2.2 Evolution of Elossmax with the shock radius and wind
luminosity
Comparing acceleration times and the different energy loss times
for each snapshot allows one to obtain an estimate of the evolution
of Elossmax with the shock radius, for a internal shock modeled with
a given set of physical parameters. Such an evolution is shown in
Fig. 23, for the models A (top), B (center) and C (bottom), in each
case for protons (full lines), iron nuclei (dashed lines) and three dif-
ferent values of Leqwind (10
51, 1053 and 1055 erg s−1). Let us note that
the values of Elossmax shown in Fig. 23 are given in the (comoving)
frame of the shocked medium, they can be roughly estimated in the
central source rest frame by multiplying the values of Elossmax obtained
for each snapshot by the corresponding value of Γres (see Sect. 2 and
the lower panel of Fig. 1). Starting with model A in the case of pro-
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Figure 22. Same as Figs. 19 and 20 for snapshot 5, Leqwind = 10
53 erg s−1,
model B for protons (top) and Fe nuclei (bottom).
tons, one can see that the evolution with the shock radius (hereafter,
"rsh evolution") of Elossmax, for L
eq
wind = 10
51 and 1053 erg s−1, have the
same trend during the whole shock propagation. This is due to the
fact that, for both wind luminosities, the acceleration is limited by
adiabatic losses at all rsh. In that case, Elossmax is simply proportional
to the magnetic field which evolves as B ∝ (Leqwind)1/2 for model A.
The values of Elossmax are then simply shifted upward by a factor of
10 when increasing Lwind by a factor of 100. For the largest wind
luminosity considered (Leqwind = 10
55 erg s−1), the evolution is quite
different, due to the fact that photomeson interactions are dominant
during the initial phase of the shock propagation (rsh . 1015 cm),
while adiabatic losses dominate at larger radii. As a result, the max-
imum energy reachable for Leqwind = 10
55 erg s−1 is initially lower
than the value obtained for Leqwind = 10
53 erg s−1 before becoming
proportional to (Leqwind)
1/2 when adiabatic losses become dominant.
Similar considerations apply to model B and C with a few signifi-
cant differences. First, the values of Elossmax obtained for each value of
Leqwind are larger than in the case of model A. This is again due to the
fact that the magnetic field B is proportional to (Leqwind)
1/2 and the
wind luminosities assumed for model B and C are larger than for
model A for a given value of Leqwind (moreover the larger value of the
equipartition factor for the magnetic field B for model C explains
the higher Elossmax compared with model B). Second, the evolution of
Elossmax with L
eq
wind is slower than in the case of model A. This evolu-
tion is implied by the relation we inferred between Lwind and L
eq
wind
for model B and C (see Eq. 14): Lwind ∝ (Leqwind)1/2, which leads to
Figure 23. rsh evolution of Elossmax (see text) for different values of L
eq
wind
(1051, 1053 and 1055 erg s−1) for protons (full lines) and Fe nuclei (dashed
lines), the markers (closed circles for protons and open circles for Fe) show
the value of Elossmax at each snapshot. These evolutions are shown for models
A (top), B (center) and C (bottom).
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Figure 24. rsh evolution of Elossmax for different nuclear species (protons, He,
O, Si, Fe) assuming model A, Leqwind = 10
53 erg s−1. The rsh evolution of
Eexpmax (see text) is also shown (dashed lines and open squares for the value
at each snapshot) for protons and Fe nuclei for comparison.
B ∝ (Leqwind)1/4 and then Elossmax ∝ (Leqwind)1/4 (if energy losses are dom-
inated by adiabatic losses). Let us note that, although Leqwind is not a
physical observable (and has been introduced in Sect. 2 to compare
models with different sets of equipartition parameters), it is related
to the γ− ray luminosity of the prompt emission (Lγ ' 0.05× Leqwind
as discussed in Sect. 2). The difference in the evolution of Elossmax with
Leqwind at a given radius between models A, B and C illustrates the
fact that the γ − ray prompt emission and the accelerated cosmic-
ray spectrum can be related in a non-trivial way depending on the
physical parameters of the internal shocks (mostly encoded into the
values of the energy redistribution factors B, e and cr in our mod-
eling).
In the case of iron nuclei, as mentioned earlier, photo-
interactions have a stronger impact than in the case of protons.
Except for the lowest value of Leqwind, the acceleration is limited
by photodisintegration processes on a significant portion of the
shock propagation (actually on the whole range of rsh for L
eq
wind =
1055 erg s−1). Let us note that Elossmax (for a given L
eq
wind at a given
rsh) can only be proportional to Z if the acceleration for each nu-
clear species is limited by deconfinement (see below) or adiabatic
losses. The scaling Elossmax(Z) = Z × Elossmax(Z = 1) should then only
hold for certain values of Leqwind or some portions of the shock prop-
agation phase, while one expects Elossmax(Z) < Z × Elossmax(Z = 1)
when photodisintegration is the limiting process. This is illustrated
in Fig. 24 where the rsh evolution of Elossmax is shown for differ-
ent nuclear species (H, He, O, Si, Fe) for model A and Leqwind =
1053 erg s−1. In addition, the rsh evolution of E
exp
max (the energy for
which tacc(E) = texp, where texp is the energy loss time due the adia-
batic expansion, see Sect. 2) is represented in dashed lines for pro-
tons and Fe. As can be seen, the curves figuring Elossmax and E
exp
max
are superimposed for protons during the whole shock propagation
whereas the two curves converge only at large radius (rsh ' 2 1015
cm) for Fe (and similarly for nuclei heavier than protons). The ini-
tial value of Elossmax at low radius is very close to the one obtained for
oxygen nuclei (∼3 times lower than Fe), the gap between protons
Figure 25. rsh evolution of Elossmax (dashed lines) and Emax (full lines)
for different assumptions for the value of λmax (rsh/3Γres, rsh/30Γres and
rsh/300Γres), for model A, L
eq
wind = 10
53 erg s−1, in the case of protons.
and the other species progressively increases as the shock propa-
gates and the medium becomes more transparent to photodisinte-
gration interactions. The value of Elossmax finally scales as the charge
of the nucleus once Elossmax ' Eexpmax as explained earlier.
Finally, let us note that the comoving values of Elossmax obtained
for protons, remain below 1017 eV for all models and all luminosi-
ties, meaning that they reach at most a few 1019 eV in the central ob-
ject frame, for the most optimistic cases. Only nuclei, say CNO and
heavier, should be able to reach 1020 eV and slightly above accord-
ing to our modeling. To increase the maximum energy of protons,
a significantly faster acceleration (i.e, tacc ' tL) than what we were
able to obtain in Sect. 3 would be required. Alternatively, more ex-
treme physical assumptions implying larger magnetic fields could
be invoked for the same purpose. The values of magnetic fields we
obtained (in particular for model B and C) are already large and
synchrotron losses would become a strong limitation for proton ac-
celeration for larger values.
4.2.3 Influence of λmax and particles escape
As mentioned at the beginning of this section, a value for the mag-
netic field B and the maximum turbulence length scale λmax are
required to scale the acceleration times and energies obtained in
Sect. 3 to energy units. The values of the magnetic field were ob-
tained using our modeling of GRBs internal shocks discussed in
Sect. 2. However, this modeling does not give any prescription for
the maximum turbulence length scale λmax of the field which we
arbitrarily set to λmax = rsh/30Γres in our previous calculations. It
is obviously useful to study how the quantities we obtained before,
such as Elossmax, are modified when setting λmax to a different value.
We will test here other values of λmax to understand how this phys-
ical parameter can influence the value of Elossmax or the escape of the
accelerated particles from the acceleration region. We will then in-
troduce the hypothesis on λmax we apply in the next sections.
Fig. 25 shows the evolution of Elossmax with rsh (dashed lines)
for three different choices for the value of λmax: λmax = rsh/3Γres,
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rsh/30Γres and rsh/300Γres, for model A, L
eq
wind = 10
53 erg s−1, in the
case of protons. In addition, the rsh evolution of Emax (defined in
Sect. 3 as the energy for which rL(E) = λmax) for each value of λmax
is also plotted (full lines). One sees that the values of Elossmax obtained,
over a wide range of values for λmax, are similar. They differ only
by a factor of ∼4 while the value for λmax is moved over 2 orders of
magnitude. Similar (or smaller) differences are obtained for all the
nuclear species, wind luminosities or energy redistribution models
assumed. The slight dependence of Elossmax with the value of λmax is
actually due to the non monotonic energy evolution of tacc we found
in Sect. 3. This dependence would not exist under the more naive
assumption that the acceleration time is proportional to Larmor ra-
dius of the particle, tacc(E) ∝ tL(E) (or any monotonic evolution).
On the other hand, although the chosen values of λmax lead to
very similar values of Elossmax, the three cases would lead to different
situations in terms of particles escape upstream or downstream of
the shock. For the largest value of λmax (rsh/3Γres), one sees that
we get Elossmax  Emax which means that the highest energy accel-
erated particles would hardly reach the weak scattering regime. In
this case, the escape upstream or downstream of the shock would
be either inefficient (upstream) or take too long compared with the
energy loss time scale for particles of high energy to escape (down-
stream). If photo-interactions have a significant contribution to en-
ergy losses, neutrons (produced either by proton pion production
or nuclei photodisintegration) may escape from the magnetized re-
gion (which would result in a purely protonic cosmic output at large
distance from the burst) and possibly large quantities of secondary
neutrinos and photons could be emitted. On the contrary, if adia-
batic losses are dominant, high energy particles (either protons or
heavier nuclei) should remain trapped and cool down to low ener-
gies.
An opposite situation is met for the lowest value of λmax
(rsh/300Γres) for which one gets Emax < Elossmax. In this case, particles
can reach the weak scattering regime and should manage to es-
cape efficiently before reaching Elossmax. If the condition Emax < E
loss
max
is met for all nuclear species, the acceleration process is limited
by deconfinement of particles from the acceleration region and the
maximum energy of the escaping cosmic-rays should be propor-
tional to their charge. This case is obviously less favorable than the
previous one for secondary neutrino, photon or neutron emission.
The third case (λmax = rsh/30Γres, used in our previous calcu-
lations) represents an intermediate case with Emax ' Elossmax (at least
for this value of the wind luminosity7). This represents a kind of
optimal case for particle acceleration, in which particles can es-
cape efficiently while reaching the maximum energy allowed by
energy losses. As seen in Fig. 24, this case (i.e, for the same wind
luminosity) would be less favorable for Fe nuclei at low shock ra-
dius where photodisintegration is the dominant source of energy
losses. In this case Elossmax is quite lower than Emax and the escape for
Fe nuclei should be less efficient than for protons. At larger dis-
tances from the shock, the impact of photodisingration decreases
and Emax ' Elossmax also for Fe nuclei. Let us note that if the condi-
tion Emax ' Elossmax is met while photo-interactions are the dominant
source of energy losses, an efficient cosmic-ray escape and efficient
secondary particle production can occur simultaneously.
In the following Monte-Carlo calculations, we will make a dif-
ferent hypothesis to choose λmax based on the assumption we made
7 For Leqwind = 10
55 erg s−1 photo-interactions are important at the begin-
ning of the shock propagation even for protons and we have Elossmax  Emax
at small rsh. The Emax ' Elossmax regime is reached at larger distances.
Figure 26. rsh evolution of Elossmax for protons (full lines) and Fe nuclei
(dashed lines) for model B, Leqwind = 10
53 erg s−1 for different assumptions
for the value of twind (from left to right 0.2, 2 and 20s).
for models A, B and C, that cosmic-rays carry a significant fraction
of the energy dissipated at internal shocks. We will assume that the
maximum length scale of the turbulence λmax at a given rsh (for a
given Leqwind and a given energy redistribution hypothesis) is equal
to the Larmor radius of the highest rigidity accelerated pariticles,
which in all our cases correspond to the highest energy accelerated
protons, placing ourselves in the case Emax = Elossmax for protons.
As mentioned above, this represents an optimum case for the es-
cape of protons at the maximum reachable energy while it will not
necessarily be the case for heavier nuclei, for instance in a config-
uration for which photodisintegration is a dominant process of en-
ergy losses. The value of λmax, based on the value of Elossmax(Z = 1),
slightly depends on the prior hypothesis made on λmax to estimate
Elossmax(Z = 1). The prior hypothesis we use is λmax = rsh/30Γres,
as in our previous calculations. As can be easily understood from
our discussions, even a significant change of the prior value of λmax
would not strongly impact the results discussed in the next sections.
4.2.4 Influence of twind
Before turning to the Monte-Carlo calculations, we briefly discuss
the influence of the wind duration (which closely correspond to the
time width of a light pulse in the central source frame) by compress-
ing the Lorentz factor distribution we use in Sect. 2 (twind = 2s) to
0.2 or expanding it to 20s. As long GRBs have durations ranging
from a few seconds to a few hundreds of seconds (regarding the
prompt emission), one can observe shorter or longer light pulses,
than the typical one second half width we considered so far. To
compare the Elossmax expectation for twind = 0.2s and twind = 20s with
those obtained for twind = 2s, we applied the internal shock model-
ing detailed in Sect. 2 to the two additional cases, tuning the ζe pa-
rameter to obtain SEDs with similar peak energies as the twind = 2s
case. The same calculations as in the previous section can be done
to estimate the rsh evolution of Elossmax. Results of these calculations
are shown in Fig.26 and compared to the twind = 2s case, assum-
ing Leqwind = 10
53 erg s−1, model B, protons (full lines) and Fe nuclei
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(dashed lines), for illustration (results for models A and C show the
same trends). As can be intuitively anticipated, for a given Lorentz
factor distribution, the radius at which the shock is formed as well
as the range of distances over which the shock propagation takes
place are, in good approximation proportional to twind. As a result
(see Sect. 2), for a given wind luminosity, baryons and photon den-
sities are expected to scale roughly as t−2wind, the magnetic field as
well as the dynamical time scale roughly as t−1wind. It means that
the energy loss rates by hadronic interactions, photo-interactions or
synchrotron are expected to scale as well as t−2wind while the adiabatic
loss rate and the acceleration should scale as t−1wind. The competi-
tion between acceleration and the different sources of energy losses
and acceleration is then expected to depend on twind (all the other
parameters being fixed). Passing from twind = 2s to twind = 0.2s,
the synchrotron, photo-interactions and hadronic interactions com-
pete more efficiently with acceleration and adiabatic losses. The ac-
celeration is then limited by photodisintegration during the whole
shock propagation for Fe nuclei and the values of Elossmax we obtain
are lower than for the twind = 2s case. For protons, acceleration is
initially limited by photo-interactions which results in lower val-
ues of Elossmax, compared with the twind = 2s case. At larger distance
(above ∼ 1014cm in Fig. 26), adiabatic losses become dominant and
the values Elossmax is equivalent to the one obtained in the twind = 2s
case, as the adiabatic loss time and the acceleration time scale in
approximately the same way with twind. For the longest wind dura-
tion (twind = 20s), on the contrary, the acceleration region is more
transparent, the acceleration rate and adiabatic loss rates decrease
more slowly than the interaction and synchrotron loss rates. Photo-
disintegration as a weaker impact on Fe nuclei acceleration at the
beginning of the shock propagation, and the values of Elossmax obtained
are larger than in the 2s case. At larger distances (or for the whole
shock propagation in the case of protons), the acceleration is lim-
ited by adiabatic losses as in the 2s case. Thus Elossmax is equivalent
to the twind = 2s case, for the reasons explained above. For a given
Lorentz factor distribution and a given wind luminosity, taking into
account the results shown in Fig. 26 and our discussion in the pre-
vious paragraph, the escape of nuclei would be favored in the case
of the longest wind duration while the emission of secondary par-
ticles (neutrons, neutrinos, photons) would be enhanced for shorter
durations.
Finally, let us note that changing the Lorentz factor profile
of the wind (which goes from Γmin = 100 to Γmax = 600 for
our generic case) could also slightly modify the results, but to a
lower extent. A larger (resp. lower) Lorentz factor contrast would
result in more (resp. less) energy dissipated in internal shocks,
slightly larger (resp. lower) shock Lorentz factors (Γsh) and shocked
medium Lorentz factors (Γres) resulting in a slightly faster (resp.
slower) cosmic-ray acceleration and slightly larger (resp. lower)
cosmic-ray energies in the central object frame. These quantities
evolve however quite slowly with the Lorentz factor contrasts and
we checked that our results would not be significantly affected by
assuming Γmax = 400 or Γmax = 800 for instance.
5 MONTE-CARLO CALCULATIONS IN THE
PRESENCE OF ENERGY LOSSES
5.1 Brief description of the code and physical hypotheses
We will now explicitly calculate the expected cosmic-ray output
from GRB internal shocks, implementing the energy loss processes
introduced in Sect. 4 into the relativistic Fermi acceleration code
described in Sect. 3. In the following, as mentioned earlier, adia-
batic, synchrotron and pair production losses are modeled as con-
tinuous energy loss processes while photomeson production (for
protons), photodisintegration (for nuclei) and hadronic interactions
are treated stochastically. Besides the treatment of energy losses
and secondary particle production, the principles of the calculation
remain the same as what was done in Sect. 3.
Practically, the integration of the trajectory of a given parti-
cle is divided in small time steps corresponding to either a tenth of
the particle Larmor time, a thirtieth of the particle interaction time
(summed over all the processes treated stochastically) or a hun-
dredth of the particle energy loss time (summed over all the contin-
uous energy loss processes), whichever the shortest. Once the tra-
jectory integration has been performed, the energy of the particle
is corrected to take into account continuous energy losses and the
emitted synchrotron photons and e+e− pairs are stored as attributes
of the particle. The occurrence of stochastic interactions is then
checked according to their probability on the time step. Whenever
an interaction occurs, the process involved is chosen randomly (ac-
cording to the relative probability of the different processes) along
with its inelasticity (energy and/or nucleon losses) and the corre-
sponding secondary particle emission (mainly charged mesons and
photons). The secondary particles are stored (as well as the syn-
chrotron photons and e+e− pairs from continuous processes) and
treated in post analysis, to calculate their energy losses (mainly syn-
chrotron for charged particles) and decay, taking into account the
physical conditions at the time and place of their production. This
ultimately results in the emission of (mostly) very high energy neu-
trinos and photons. Secondary nucleons are treated as new particles
created at the time and place of their production, with the weight of
their parent nucleus. They can be further accelerated by perform-
ing Fermi cycles once they are produced (in the case of neutrons,
they have to decay or interact before leaving the acceleration re-
gion). Their trajectories and energy losses are calculated from their
production point in the same way as their parent nucleus.
For a given burst defined by a set of physical parameters par-
ticles are injected at 18 different times/radii corresponding to the
18 snapshots used in the previous sections to discretize the shock
propagation. The physical conditions relevant for a given snapshot
(i.e, the variance of the turbulent field, the shock Lorentz factor, the
baryon density, the prompt photon density, the dissipated energy
available for cosmic-rays) are derived in the framework of the GRB
internal shock model described in Sect. 2. The magnetic field is as-
sumed to be purely turbulent and to follow a Kolmogorov power
spectrum. The maximum turbulence length scale λmax is set to be
equal to the Larmor radius of protons at the energy Elossmax,i(Z = 1),
where i is the snapshot number, as discussed in Sect. 4. For each
snapshot, 7500 particles (protons, He, O, Si and Fe nuclei in equal
number) are initially injected upstream of the shock with an energy
E0 = Z × 10−6Elossmax,i(Z = 1) (where Z is the charge of the nucleus).
The different nuclear species are given a weight in order to repro-
duce an effective composition equivalent to the galactic cosmic-ray
source composition (Du Vernois & Thayer, 1996) with a metallic-
ity (i.e, the relative abundance of nuclei heavier than He) enhanced
by a factor 10. To normalize the spectrum, obtained for a given
snapshot, we take advantage of the fact that low energy particles,
say below 10−2.5 × Emax, loose very little energy during the time
elapsed between their injection and their last shock crossing before
being advected downstream. We then assume that these low energy
particles carry the same fraction of the total energy communicated
to cosmic-ray (cr × ediss,i for a given snapshot) as in the absence
of energy losses (i.e, the spectra obtained in Sect. 3). This assump-
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tion allows us to estimate the correspondence between the particles
weights and the actual number of particles.
Concerning particles escape, we assume, as discussed in
Sects. 3.3.3 and 4.2.3, that particles might escape through bound-
aries upstream and downstream of the shock. The boundary down-
stream is determined by the hydrodynamic simulation of Daigne &
Mochkovitch (2000) (see Fig. 16) which gives us, at any time of the
shock propagation, the comoving distance ∆′ between the shock
front and the extremity of the shocked medium. The relation be-
tween ∆′ and λmax (under our assumption λmax = rL(Elossmax(Z = 1)))
depends on the GRB physical parameters and on the distance to
the central source and is dermined at each step in a consistent way.
The width of the shocked region ∆′ goes from a few λmax (rela-
tively large distance from the central source) to a few tens of λmax
(for very luminous bursts and early times of the shock propaga-
tion). For the boundary upstream, we keep the hypothesis used
in Sect. 3, that the magnetic turbulence only extends up to a dis-
tance ∆′up ' λmax away from the shock. In the following, we use
∆′up = 3× λmax. As discussed in Sect. 3.3.3, both boundaries should
behave like high pass filters in the presence of energy losses. In-
deed, in the downstream region, particles have to reach the bound-
ary fast enough not to be cooled down to low energies by adiabatic
losses (or any other significant energy loss mechanism). Once par-
ticles have reached a boundary, either upstream or downstream, we
assume they are decoupled from the magnetic field and the wind
expansion and can freely propagate away from the source environ-
ment. Although particles might still interact with photons created in
other parts of the wind, once they have escaped from the accelera-
tion site, it is likely that the photon fields encountered will be much
more tenuous than those experienced during the acceleration, and
that head-on photon-nucleus collisions will be highly suppressed
(see discussion in Sect. 2).
In the following, we simulate the acceleration of cosmic-rays
at GRB internal shocks for a wide range of wind luminosities,
from Leqwind = 10
51 erg s−1 to 1055 erg s−1 (which corresponds to
Lγ ' 5 1049 erg.s−1 to 5 1053 erg.s−1). We consider the three energy
redistribution models, A, B and C introduced in Sect. 2. To take
into account the evolution of the cosmic-ray and secondary particle
outputs during the shock propagation, the 18 snapshots correspond-
ing to different stages of the shock evolution and the corresponding
set of physical parameters are considered for each simulated burst.
Let us note that, for a given snapshot, we take into account the
evolution with time of the physical quantities, such as photon and
baryon densities, magnetic fields. This is especially important not
to overestimate energy losses and secondary particles production of
low energy nuclei advected downstream of the shock (i.e, below the
weak scattering regime). These particles may, indeed, be confined
during a significant fraction of the whole shock propagation time,
much longer than the time a given snapshot remains representative
of the physical conditions at work.
5.2 Cosmic-ray spectra
The cosmic-ray output expected for our modeling of GRB internal
shocks is displayed in Figs. 27 and 28, for different values of Leqwind
between 1051 and 1055 erg s−1 (corresponding to a prompt emission
luminosity Lγ between ∼ 5 1049 and ∼ 5 1053 erg s−1) for model A
(Fig. 27) and model B (Fig. 28). In each case, the cosmic-ray output
is given in the central source frame, summed over the 18 snapshots.
The normalization represents the energy released in cosmic-rays, in
a given energy bin, integrated over the whole shock evolution for
Figure 27. Cosmic-ray spectra, multiplied by E2, emiited by GRBs, in the
central source frame, for different values of Leqwind (10
51 (upper panel), 1053
(central panel) and 1055 erg s−1 (lower panel)), in the case of model A. The
contribution of different groups of nuclear species is shown (the labels refer
to the nuclei atomic number Z). The normalization is obtained by integrat-
ing over the whole shock propagation.
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Figure 28. Same as Fig. 27, in the case of model B.
the assumptions we made in Sect. 2 about the wind Lorentz factor
distribution and wind duration (twind = 2s).
For low values of Leqwind (L
eq
wind = 10
51 erg s−1 on the upper pan-
els of Figs. 27 and 28, which correspond to Lγ ∼ 5 1049 erg s−1)
photo-interactions are not efficient and do not limit cosmic-rays ac-
celeration whatever the nuclear species considered. The maximum
energy reached is in good approximation proportional to the charge
of the nucleus, and the spectra of the different species are very hard
due to the high pass filter effect of the cosmic-ray escape through
the assumed boundaries downstream and upstream of the shock. A
faint neutron component is present. These neutrons are produced in
vast majority by the photodisintegration of nuclei during the early
stage of the shock propagation.
At intermediate values of Leqwind, represented by the case
Leqwind = 10
53 erg s−1 (Lγ ∼ 5 1051 erg s−1) on the central panels
of Figs. 27 and 28, photo-interactions start to have a significant
impact on the cosmic-ray output. As seen in Sect. 4, the acceler-
ation of nuclei is limited by photodisintegration during the early
stages of the shock propagation. As a result, the gap in maximum
energy between protons and nuclei is slightly lower than in the
Leqwind = 10
51 erg s−1 case. Neutron emission from nuclei photodis-
integration are also more intense. As the cross sections for nuclei
photodisintegration is larger than the proton photomeson produc-
tion cross section (and the interaction threshold is lower in the
nucleus rest frame), nuclei start to interact significantly at lower
Lorentz factors than the protons. The neutrons are then produced
at energies lower than the highest energy reached by accelerated
protons, where the probability to interact before leaving the accel-
eration region is very low. Their escape is then very efficient.
At high luminosities, (case Leqwind = 10
55 erg s−1, Lγ ∼
5 1053 erg s−1, on the lower panel of Figs. 27 and 28), the accel-
eration of nuclei is severely limited by photodisintegration. During
a significant portion of the shock propagation, we have Elossmax(Z >
1)  Z×Elossmax(Z = 1) meaning that nuclei acceleration is limited by
photodisintegration before reaching the weak scattering regime. As
a consequence nuclei cannot escape from the shock environment
before the last stages of the shock propagation (see Sect. 4). This
is not the case for protons since we assumed λmax = Elossmax(Z = 1)
for our calculations. This results in a lower relative abundance of
nuclei compared to protons and a more reduced difference between
the maximum energies reached by the different species. The neu-
tron component is in this case very intense as the photon density
is so large that nuclei are photodisintegrated efficiently even at
lower energies. The gap in energy between the escaping protons
and neutrons is also reduced due to the fact that proton acceleration
is limited by photomeson production during the early stage of the
shock propagation, which implies that the accelerated protons also
contribute to neutron production at high luminosity (although the
contribution of nuclei photodisintegration is still largely dominant).
These neutrons should ultimately decay back to protons outside of
the source environment and contribute to the proton component far
away from the central source. As a consequence, we see that for in-
termediate and high luminosity bursts, one can expect the spectrum
of escaping protons to be significantly softer than the spectrum of
escaping nuclei due to the contribution of escaping neutrons which
are mostly produced by nuclei photodisintegration.
These qualitative discussions on the evolution of the cosmic-
ray output as a function of Leqwind and the corresponding Lγ hold for
the three energy redistribution models A, B and C which, by as-
sumption, predict similar photon densities within the acceleration
region for a given value of Leqwind. There are however important dif-
ferences concerning the cosmic-ray output between the three mod-
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els. In the cases of models B and C (not displayed), the most impor-
tant difference is of course the amount of energy released in very
high and ultra-high energy cosmic-rays. The larger values obtained
for models B and C are implied by the assumption of a larger wind
luminosity for a given prompt emission luminosity. Concerning the
maximum energy, the values obtained for models B and C are larger
than for model A, due to the larger wind luminosity assumed. For
instance, in the case of Leqwind = 10
51 erg s−1, the wind luminosity for
model B is Lwind = 3 1053 erg s−1 and the energy redistribution fac-
tor for the magnetic field B = 0.1. The magnetic field is expected to
be proportional to (B × Lwind)1/2 and the maximum energy achiev-
able is proportional to the magnetic field (in a case not limited by
photo-interactions). The maximum energy is ∼10 times larger for
model B, as observed when comparing the upper panels of Figs. 27
and 28. In the case of model C, the maximum energy is even ∼
twice larger than for model B, due to the larger assumed value of
B = 0.33. The gap in maximum reachable energy between model
A and models B and C is lower for the higher values of Leqwind, due to
the slower evolution of the maximum energy with Leqwind for models
B and C (Emax ∝ Leq 1/4wind , see Sect. 4) and also to the increasing im-
portance of photo-interactions with increasing values of Leqwind. Part
of the increase of the maximum energy due to the larger value of
the magnetic fields for models B and C is indeed counterbalanced
to some extent as particles are accelerated to higher energies where
photo-interaction rates are higher. Note that this latter consideration
is also relevant for neutron and secondary particle emission.
Overall, one can see that according to our modeling of mildly
relativistic acceleration at GRBs internal shock, relatively heavy
nuclei (say, Si and above) can reach energies above 1020 eV in most
cases, except for the lowest values of Leqwind for model A. Interme-
diate nuclei such as CNO can reach energies above 1019.5 eV and
approach 1020 eV for most values of Leqwind for models B and C,
while protons can only approach at most 1019.5 eV for the highest
values of Leqwind and remain below 10
19 eV in most cases. As al-
ready mentioned in Sect. 4, these low maximum energies for the
proton component can only be increased, in principle, by invoking
a faster acceleration mechanism, a magnetic field configuration al-
lowing acceleration rates close to the so-called Bohm rate or larger
magnetic fields than those implied by our hypotheses8.
5.3 Neutrino spectra
Neutrinos should be natural by-products of cosmic-rays acceler-
ation at GRB internal shocks. Interaction of very-high and ultra-
high energy cosmic-rays through photomeson production (and to
a lower extent through hadronic interactions) during their acceler-
ation or their escape is expected to ultimately trigger ample neu-
trino emission. In our Monte-Carlo simulation, the production of
neutral and charged mesons by protons and neutrons is handled by
the SOPHIA event generator (Mücke et al. 2000), while pion pro-
duction for nuclei is treated following Rachen (1996) in the first
delta resonance approximation, taking into account pion reabsorp-
tion and energy losses in the residual nucleus (see also Allard et al.,
2006, for more details on the implementation). Let us note that the
8 Invoking significantly larger magnetic fields, rather than a faster acceler-
ation process, would imply more extreme assumptions on the wind lumi-
nosities than those of models B and C. In this case, relying only on stronger
magnetic fields, synchrotron losses could prevent protons from being accel-
erated above 1020 eV.
Figure 29. Neutrino spectrum, multiplied by E2, emitted by a GRB (as seen
in the central source frame), assuming for illustration Leqwind = 10
53 erg s−1,
in the case of model B. The normalization is obtained by integrating over
the whole shock propagation. The upper panel shows the contribution of
νe for neutron decay, νe and νµ for photomeson production and hadronic
interactions. The lower panel shows the contribution of different phases of
the shock propagation (see text).
latter treatment is not necessarily a good approximation for interac-
tions with photons above 1 GeV (in the nucleus rest frame), but this
energy range for interactions does not have a dominant contribution
(at most a few percent for nuclei and ∼ 10 − 15% for protons) for
the range of Lorentz factors protons and nuclei manage to reach in
our calculations (γnuc < 108 in the wind frame, in all the cases we
previously considered). Once produced, the charged mesons and
muons may suffer severe synchrotron losses before decaying, de-
pending on their mass and on the ambient magnetic fields at the
time of their production (see eq. 25). Synchrotron losses of charged
mesons and muons significantly affect the energy of the produced
resulting at the end of the decay chain.
For the time being, we only consider neutrinos produced at the
sources, associated with the cosmic-ray output discussed in the pre-
vious section. Let us note that we add the contribution of neutrinos
from neutron decay to the neutrinos produced during cosmic-ray
acceleration and escape, although these neutrinos are not produced
stricto sensu in the source. The spectrum of neutrinos emitted dur-
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ing cosmic-ray acceleration and escape (integrated on the whole
shock propagation) for the case Leqwind = 10
53 erg s−1 and model B
is displayed in Fig. 29. On the upper panel, we show the contribu-
tion of electron neutrinos from neutron decay and the electron and
muon neutrinos from photomeson production. Let us note that we
do not separate the contribution of the neutrinos from that of the
anti-neutrinos or the contribution of the different charged mesons,
detailed studies for the pure proton case can for instance be found in
Hummer et al. (2010). At low energy, below ∼ 1014 eV, the neutrino
spectrum is dominated by electronic (anti-)neutrinos (originating
mainly from nuclei photodisintegration, see the previous section).
Above this energy, the contribution of photomeson production be-
comes dominant. As expected in the case of highly magnetized
astrophysical sources (see for instance Mücke & Protheroe 2001;
Mücke et al. 2003, for the case of blazars and BL Lacs, Murase &
Nagataki 2006; Hümmer, Baerwald & Winter 2012; Baerwald et
al. 2014 for the case of GRBs), the spectrum of electron neutrinos
(whose energy is affected by the successive synchrotron cooling of
pions and muons) cuts at lower energy than the spectrum of muon
neutrinos. We emphasize that, except for the low energy part of
the spectrum dominated by the contribution of neutron decay, most
of the neutrinos displayed in Fig. 29 are emitted by primary pro-
tons (at a level of ∼ 60% whatever the assumed luminosity) due to
the larger gap in energy between the primary cosmic-ray and the
produced neutrino in the case of nuclei and the fact that the pion
production process is significantly reduced by the dominant contri-
bution of giant dipole resonance to nuclei photodisintegration for
the Lorentz factors, which nuclei are able to reach during their ac-
celeration.
In the lower panel of Fig. 29, the total neutrino spectrum is
decomposed between different stages of the shock propagation,
namely between the snapshots #1 to #5 (rsh between ∼ 1014 and
∼ 6 1014 cm), #6 to #11 (rsh between ∼ 6 1014 and ∼ 3 1015 cm)
and #12 to #18 (rsh between ∼ 3 1015 and ∼ 1016 cm). Neutrinos
from neutron decay are not included in the decomposition. As can
be seen the neutrino emission is more intense and peaks at lower
energy during the early stages of the shock propagation, while neu-
trino emission becomes fainter and shifted to higher energy at later
stages. This trend (which is met for all the luminosity cases we
considered) is due to the combined evolution of the comoving pho-
ton background energy and density and the magnetic field during
the shock propagation. At the beginning of the shock propagation,
the photon density as well as the comoving peak energy are higher,
cosmic-rays have larger interaction probabilities and interactions
mostly occur at lower energies than at later stages of the shock
propagation. Moreover, the magnetic field is also initially more in-
tense which results in a faster synchrotron cooling of the produced
charged mesons and muons and also contribute to the emission of
lower energy neutrinos. Unlike photon prompt emission, neutrino
emission from GRBs internal shocks would then be expected to
evolve from soft to hard spectra. The neutrinos "pulse shape" is
also expected to be slightly different from the photon pulse shape
as a the fraction of the total energy dissipated in neutrinos emitted
during the early phase of the shock propagation is expected to be
larger than the corresponding fraction for photons : ∼ 55% of the
total energy dissipated in neutrinos is emitted on the distance range
corresponding to snapshots #1 to #5 while less than ∼ 30% of the
total energy dissipated in prompt emission photons is emitted on
the same distance range, as can be deduced from the bottom- right
panel of Fig. 3.
We now come to the calculations of the neutrino emission for
different values of Leqwind. The emitted neutrino spectrum for the
Figure 30. Neutrino spectra emitted by GRBs for different values of Leqwind:
1051, 1053 and 1055 erg s−1, for models A (dashed lines) and B (full lines).
cases Leqwind = 10
51, 1053 and 1055 erg s−1 is displayed in Fig. 30
for models A (dashed lines) and B (plain lines). One expects in
principle the neutrino output of a given GRB to be more or less
proportional to the energy communicated to cosmic-rays and to the
ambient photon density. In the case of model A, both quantities
are proportional to Leqwind = Lwind so the amount of energy emit-
ted in neutrinos is approximately proportional to (Leqwind)
2, as can
be seen in Fig. 30. As a result, while the wind luminosity and the
prompt emission luminosity spread over 4 orders of magnitude, the
corresponding neutrino luminosity spreads over ∼8 orders of mag-
nitude. For model B, the expected range of neutrino luminosities is
reduced, since the energy released in cosmic-rays is proportional to
Lwind, i.e proportional to L
eq 1/2
wind , while the photon density is still pro-
portional to Leqwind. The difference between models A and B in terms
of neutrino output, for a given value of Leqwind, mostly relies on the
difference in the energy communicated to cosmic-rays, which is ex-
pected to be proportional to the product cr × Lwind (the photon den-
sities and energy distribution being in good approximation identical
for both models). As an example, for the case Leqwind = 10
51 erg s−1,
we assumed Lwind = 1051 erg s−1 and cr = 1/3 for model A, while
Lwind = 3 1053 erg s−1 and cr ' 0.9 for model B. These different as-
sumptions imply a neutrino output three orders of magnitude larger
for model B, following our simple reasoning, which is more or
less what can be observed in Fig. 30, for this particular value of
Leqwind. For more detailed comparisons of the neutrino output, be-
tween model A and B or between different values of Leqwind, one has
to take into account the value of the ambient magnetic field and the
energy distribution of the ambient photon background, which both
affect the energy reached by the cosmic-rays, the energy of the pho-
toproduced charged mesons, their cooling and finally the energy of
the emitted neutrinos and the energy transferred from cosmic-rays
to neutrinos. Fuller discussions of these aspects can be found, for
instance, in the recent paper by He et al. (2012) or in Murase &
Nagataki (2006).
It is important to note that high energy photons are also emit-
ted as by-products of cosmic-ray acceleration. The mechanisms at
the origin of this emission, besides the cooling of accelerated elec-
trons considered in Sect. 2, are the decay of neutral mesons, syn-
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chrotron cooling of photoproduced e+e− pairs and charged mesons
and muons. The high energy photons emitted by these processes
can either escape from the GRB environment or induce electro-
magnetic cascades that would contribute to the prompt emission
at lower energy. Although we did not fully calculate the cascad-
ing of these high energy photons and their final contribution to
the prompt emission, we however estimated the energy transferred
from cosmic-rays to high energy photons and compared it with
the prompt emission energy. It turns out that the amount of en-
ergy transferred from cosmic-ray to photons does not exceed a few
percents of the prompt emission calculated in Sect. 2 in the case
of model A (it is even almost negligible at low luminosity) while it
represent 10 to 20% of the prompt emission in the case of models
B and C. Although non negligible, this supplementary contribu-
tion to the prompt emission does not invalidate our calculations of
cosmic-ray photo-interactions. The full calculations of the contri-
bution of high energy photons emitted by accelerated cosmic-rays
to the prompt emission will be considered in a forthcoming paper.
6 DIFFUSE FLUXES
6.1 GRB luminosity function and cosmic-ray effective
spectrum
In the previous section, we calculated the emitted cosmic-ray and
neutrino spectra for synthetic single pulse GRBs assuming values
of Leqwind between 10
51 and 1055 erg s−1 for models A, B and C. To
calculate diffuse fluxes observable on Earth, which is the main goal
of our study, one needs to make additional assumptions on the GRB
luminosity function, the local rate density and its cosmological evo-
lution. Numerous works have been recently dedicated to estimate
the GRB prompt emission luminosity function, mostly based on
the analysis of BATSE, HETE2 and/or Swift data (see for instance
Daigne et al. 2006; Guetta & Piran 2007; Liang et al. 2007; Le &
Dermer 2007; Guetta & Della Valle 2007; Zitouni et al. 2008; Wan-
derman & Piran 2010). In the following, we use one of the most
recent estimates of the GRB prompt emission luminosity function
and rate density derived from the analysis of Swift GRBs by Wan-
derman and Piran (2010). The authors found that the luminosity
function of GRBs with Lγ > 1050 erg s−1 is well reproduced by a
broken power law:
dNGRB
dLγ
(Lγ) ∝
 L−αγ for Lγ 6 L?L−βγ for Lγ > L? (27)
where the power indices are α = 1.2, β = 2.4 and the break lumi-
nosity L? = 1052.5 erg s−1. To normalize the luminosity function, the
authors estimated the local (at redshift z=0) rate density of GRBs
with Lγ > 1050 erg s−1, ρGRB(0) = 1.3 Gpc−3 yr−1.
For the redshift evolution of the (comoving) rate density, ρGRB(z), a
broken power law behaviour was also found by the same authors,
ρGRB(z) = ρGRB(0) ×
 (1 + z)n1 for z 6 z?(1 + z?)n1−n2 × (1 + z)n2 for z > z?
(28)
where n1 = 2.1, n2 = −1.4 and z? = 3.
For our assumption on the Lorentz factor distribution (see Sect. 2),
we found that Lγ is approximately related to L
eq
wind by the relation
Lγ ' 0.05 × Leqwind. It is then easy to translate the prompt emission
luminosity function into a cosmic-ray luminosity function for each
energy redistribution model. In the previous sections, we consid-
ered single pulse synthetic GRBs with a wind duration twind = 2s,
Figure 31. Differential luminosity density (also called effective injection
spectrum in the text) of UHECRs emitted by GRBs, calculated for models
A (top), B (center) and C (bottom). The contributions of different groups of
nuclear species is shown.
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which results, in the central source frame, in a photon emission
of ∼2s (a pulse with a fast rise and exponential decay with a half
width of ∼1s). Although this kind of pulse is quite typical of long
GRB light curves, the total photon emission lasts in general much
longer than 2s, which means that the central source is active on
timescales larger than 2s. To calculate the GRB total luminosity
density in cosmic-ray, we treat this single synthetic pulse as an el-
ementary pattern repeated several times during the total duration
of the central source activity. We assume that the Lorentz factor
distribution (see Fig. 2) and wind duration we considered so far is
repeated 10 times during the total source activity, which give a to-
tal duration of 20s which closely corresponds to the peak of the T90
distribution (estimated in the central source frame), deduced from
Swift observations for GRBs with known redshift (Sakamoto et al.
2011). Of course, these assumptions represent an oversimplifica-
tion that shortcuts the great diversity of light curves and other prop-
erties seen in GRBs observations. These choices are however dic-
tated by our current lack of understanding of the origin of the diver-
sity of the observed properties of GRBs (see for instance Bosnjak &
Daigne 2014) and also by the large computational time required for
our calculation. However, our previous results and discussions, in
particular in sections 2 and 4, give some hints on how the cosmic-
ray output could vary assuming longer or shorter light pulses or
different Lorentz factor contrasts. We believe that, if we had mod-
eled the burst to burst variations of these parameters, the overall
UHECR emission from GRBs in the extragalactic medium would
not be very different from what we obtain here with the above sim-
plifications.
As mentioned above, the prompt emission luminosity func-
tion given in Eq. 27 can easily be translated into a wind luminosity
function and then into a cosmic-ray luminosity density (expressed
in erg Mpc−3 yr−1) by convoluting the luminosity function with the
cosmic-ray spectra emitted by single GRBs for various values of
Leqwind calculated in the previous section. We use the spectra (see
Figs. 27 and 28) calculated for 21 values of Leqwind between 10
51 and
1055 erg s−1 (with a step of 0.2 in log of Leqwind). The result is shown
in Fig. 31, where our estimates for the differential luminosity den-
sity of cosmic-rays emitted by GRBs are shown for models A, B
and C. These effective spectra of escaping cosmic-rays, which rep-
resent a weighted sum of the spectra obtained in Sect. 5, retain the
main features we already discussed. This includes very hard spectra
for nuclei heavier than protons and much softer spectra for protons
if one includes the contribution of neutrons (mostly produced by
photodisintegration of nuclei in high luminosity GRBs). The max-
imum energy reached by nuclei (CNO and above) is significantly
larger than that of protons, but the difference is smaller than if it
were proportional to the charge of the nucleus. This behaviour was
already visible for individual GRBs of intermediate luminosities
(Leqwind ' 1053 erg s−1) for which photodisintegration already limits
the maximum energy reachable by nuclei. The difference in max-
imum energy for the different energy redistribution models is also
visible on these effective spectra. As already discussed, the energies
reached in the case of model C are the highest since the physical pa-
rameters assumed for this model imply the largest magnetic fields
for a given value of Leqwind. Conversely, model A, with the lowest
magnetic fields, predicts the lowest fraction of cosmic-rays accel-
erated above 1020 eV.
Perhaps the most interesting information is obtained by integrat-
ing the differential luminosity density in order to estimate the
total luminosity density emitted in cosmic-rays above 1018 eV,
LGRBCR 18, for each energy redistribution model. For models A, B
and C, we obtain respectively LGRBCR 18 ' 6 1042, 3.9 1044 and
3.2 1044 erg Mpc−3 yr−1. These values can be compared with the
estimates of the luminosity density, LCR 18, required from cosmic-
ray sources above 1018 eV to reproduce the UHECR flux ob-
served on Earth. This luminosity is of the order of a few times
1044 erg Mpc−3 yr−1, depending on the assumed UHECR phe-
nomenology (see for instance Berezinsky et al. 2006; Katz, Budnik
& Waxman 2009; Decerprit & Allard 2011, the latter includes esti-
mates for various compositions at the sources).
A rapid comparison between the values of LGRBCR 18 found for each
model and LCR 18 shows that the cosmic-ray luminosity density ob-
tained with model A, assuming equipatition, is well below what is
required to reproduce the UHECR flux on Earth. This should not
come as a surprise since the luminosity function we use, together
with the assumed 20s average duration, implies a prompt emission
luminosity density of the order of ∼ 2 1044 erg Mpc−3 yr−1, which
is approximately the luminosity density required for cosmic-ray
above 1018 eV. This means that, in the case of GRBs, the lumi-
nosity density in cosmic-ray above 1018 eV has to be of the order
or even larger than the whole prompt emission luminosity density.
This, of course, cannot be achieved if the energy dissipated at in-
ternal shocks is equally shared between electrons and cosmic-rays,
unless for some reason most of this energy goes to particles acceler-
ated above 1018 eV. In the case of our modeling, however, escaping
cosmic-rays above 1018 eV only carry a few percent of the total en-
ergy communicated to cosmic-rays.
On the other hand, in the case of models B and C, for which we as-
sume a much larger fraction of the dissipated energy communicated
to cosmic-rays together with significantly larger wind luminosities
(at least for low luminosity GRBs), the obtained values of LGRBCR 18
are of the same order as the required cosmic-ray luminosity density
above 1018 eV.
To further discuss the compatibility of our predictions with
UHECR observations, one needs to propagate these cosmic-rays
accelerated at GRBs from their sources to the Earth, through the
extragalactic medium.
6.2 Cosmic-ray diffuse flux
6.2.1 Calculation method and hypotheses
To calculate the diffuse UHECR flux received from GRBs on Earth,
the simplest approach would be to use the "effective" injection
spectra, calculated in the previous section, in the continuous in-
jection and continuous source distribution approximations. Such
an approach would, however, ignore some major subtleties implied
by the fact that GRBs are very rare events, within the (spacetime)
horizon9 of the highest energy cosmic-rays, and that, in very good
approximation, UHECRs are emitted instantaneously. In that case,
even if our models predict the emission of cosmic-rays above 1020
eV, it is not guaranteed, in principle, that the UHECR emission
from GRBs should result in a roughly steady UHECR flux on Earth.
It would not be the case for instance, in the absence of interven-
ing magnetic fields, in which case the duration of the cosmic-ray
signal from a single GRB would be of the same order as that of
the prompt photon emission. Within a radius of 100 Mpc from the
9 The term "horizon" refers to the largest distance from which a cosmic-ray
of a given mass and energy can come, due to the energy losses experienced
during its propagation. Equivalently the "horizon" can refer to the maximum
possible propagation time. Although the latter is more relevant to the prop-
agation of cosmic-rays in the presence of magnetic fields, we will mostly
discuss the horizon as a (curvilinear) distance in the following.
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Earth, which approximately corresponds to the cosmic-ray horizon
above 80 EeV, the GRB rate should be ∼ 10−3 yr−1 (according to
the estimate of the local rate by Wanderman & Piran 2010). Thus,
if there were no magnetic field to spread the cosmic-ray signal in
time, it would be very unlikely to observe any cosmic-ray signal
above a few 1019 eV, even after several years of observations. If
intervening magnetic fields are strong enough to spread cosmic-
ray arrival times, from a single GRB, by a few thousand years or
more, the overlap between cosmic-ray from several GRBs can lead
to a relatively steady cosmic-ray flux on Earth, even at the highest
energies. To estimate quantitatively the diffuse cosmic-ray flux ex-
pected on Earth, one must then take into account the discreteness
and instantaneity of GRB events as well as the effects of extragalac-
tic magnetic fields on UHECR propagation.
The extragalactic magnetic field (EGMF) is poorly known,
and its spatial distribution, intensity, coherence length, time evo-
lution, and origin are all uncertain. Observations imply the pres-
ence of µG fields in the core of large galaxy clusters. However, the
spatial extension of these large field regions and their volume fill-
ing factor in the universe are difficult to evaluate. Efforts have been
made to model local magnetic fields using simulations of large-
scale structure formation that include an MHD treatment of the
magnetic field evolution (see the pioneering studies by Dolag et
al. 2002; Sigl et al. 2004; or more recent calculations by Das et al.
2008; Ryu et al. 2008, 2010; Donnert et al. 2009). Some of these
simulations are constrained by the local density and velocity field
to provide more realistic field configurations in the local universe.
These simulations rely on different assumptions regarding the ori-
gin of the fields and the mechanisms involved in their growth. They
are ultimately normalized to the values observed at the present
epoch in the central regions of galaxy clusters (see the discussion in
Kotera & Lemoine 2008). The outcome of the different simulations
strongly differ. In particular, the volume filling factors for strong
fields (above 1 nG, say) vary by several orders of magnitude from
one simulation to the other. In contrast, an interesting simple alter-
native to complex hydrodynamical simulations, offering more free-
dom to test different models of the magnetic field evolution with
local density, has been proposed by Kotera & Lemoine (2008).
In view of the above-mentioned uncertainties, and since we are only
interested in the spread in time of the propagated UHECR, we use
a simplified approach, assuming that the universe is filled with a
purely turbulent, homogeneous magnetic field, and will study the
dependence of the high-energy cosmic-ray spectrum and composi-
tion on the variance of the turbulent field. Following Globus, Al-
lard & Parizot (2008), we model the extragalactic turbulent field
using the algorithm proposed by Giacalone and Jokipii (1999) (see
Sect. 3) normalized to different variances. We set the value of the
maximum turbulent scale λEGMFmax to 1 Mpc, which corresponds to a
coherence length λEGMFc ' λEGMFmax /5 ' 0.2 Mpc.
Using the GRB luminosity function (Eq. 27), the GRB lo-
cal rate, ρGRB(0), and the associated cosmological evolution of the
comoving GRB rate (Eq. 28), estimated by Wanderman & Piran
(2010), one can simulate realizations of the history of GRB explo-
sions in the universe. In practice, we discretize the universe in space
and redshift bins. We also discretize the GRB luminosity range in
21 bins between Leqwind = 10
51 and 1055 erg s−1 (which corresponds
to Lγ between 5 1049 and 5 1053 erg s−1). For each luminosity bin,
we compute the number of GRBs occurring in each bin of space-
time, according to the mean values expected (according to Eqs. 27
and 28) and using Poisson statistics. Since the average number of
GRBs at low distance and low redshift is small, we compute 300
different realizations in order to estimate the effect of the fluctu-
ations of the number of GRBs in the very local universe on the
expected UHECR diffuse flux.
For a given realization of the history of GRB explosions, the diffuse
cosmic-ray flux, observed now on Earth, can be calculated by sum-
ming the contributions of each individual GRBs. A given GRB is
characterized by its injection spectrum and composition (calculated
in Sect. 5), Qi(E; Lγ, ), where i refers to a given nuclear species, Lγ
is related to Leqwind and  refers to a given energy redistribution model
(either model A, B or C), emitted instantaneously at the look-back
time t (or equivalently at the redshift z(t)) and at a proper comoving
distance r, which does not have to correspond to the retarded time
of the photon emission because the trajectory is not rectilinear.
One can define the function F(A, E, r; t, Lγ, ) (hereafter, con-
tribution function) representing the contribution to the observed
UHECR flux of the particles emitted by a GRB at a proper comov-
ing distance r exploding at a given time t with a photon luminosity
Lγ. To compute this contribution function, we use a Monte-Carlo
procedure. We inject particles according to a given injection spec-
trum, Qi(E; Lγ, ). Then we propagate particles from the injection
time t to the present time (i.e, from redshift z(t) to z = 0). Af-
ter that propagation time, particles are spread over a large volume
around the source, with a variety of masses and energies as a result
of their interactions with the photon backgrounds. We then simply
register their number density, energy spectrum and composition in
different bins of proper comoving distance from the GRB, ri (where
isotropy is assumed according to our simplifying assumption on the
EGMF structure). Specifically, we count the number of particles
N(Ai, E j, rk; t, Lγ, ) found with mass Ai, in the jth energy bin, i.e
between E j and E j+1 = E j + ∆E j and in the kth distance bin, i.e be-
tween rk and rk+1 = rk +∆rk, from which we derive the contribution
function :
F(A, E, r; t, Lγ, ) =
N(Ai, E j, rk; t, Lγ, )
∆E j × 4pir2k ∆rk
(29)
This is a step function, constant for E j 6 E 6 E j + ∆E j and
rk 6 r 6 rk + ∆rk. F(A, E, r; t, Lγ, ) is expressed in eV−1 cm−3 and
depends of course on the injection spectrum which for our mod-
eling depends on Lγ(L
eq
wind) and the assumed energy redistribution
model. The cosmic-ray flux of a single GRB exploding at a look-
back time t and a proper comoving distance r that contributes now
to the total flux received on Earth is finally given by
φ(A, E) =
c
4pi
× F(A, E, r; t, Lγ, ) , (30)
where the factor c/4pi converts the cosmic-ray density into a flux
(in cm−2 s−1 eV−1 sr−1).
Practically, in order to calculate these "contribution functions" and
fluxes from single GRBs, we used the Monte Carlo code presented
in Allard et al. (2005) to compute the energy losses and photodis-
integration processes in the extragalactic photon backgrounds (see
Decerprit & Allard 2011 for a more detailed description of the latest
version of the code). We also computed the 3D geometrical trajec-
tories as influenced by the magnetic fields using the fast integra-
tion method described in detail in Globus, Allard & Parizot (2008),
where a comparison with a full numerical integration is given. This
numerical treatment permits, in particular, to keep track of the red-
shift dependence of the energy losses without having to assume a
rectilinear transport, and to take into account the expansion of the
universe at each step of the trajectory integration10.
10 For all our calculations, we assume a standard universe with Ωm = 0.3,
ΩΛ = 0.7 and H0 = 71km s−1 Mpc−1. Moreover we use the most up-to date
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We simulate the propagation of UHECRs above 1017.5 eV, consider-
ing various nuclear species, following a power law spectrum injec-
tion at 156 different redshifts (from a few 10−4 to ∼5), for three dif-
ferent hypotheses about the EGMF variance : 0.01, 0.1 and 1 nG. In
total, more than 109 trajectories from the injection redshift to z = 0
were simulated in order to calculate the above-mentioned contri-
bution functions and fluxes with large statistics. Once the simula-
tions have been completed, the distributions of proper comoving
distances from the GRB, of masses and of energies, after propaga-
tion, can be calculated for each injection redshift and EGMF vari-
ance. The particles are reweighted in order to simulate the injection
and composition calculated in Sect. 5 at 21 different luminosities,
for each of the three models. This allows us to estimate the con-
tribution functions F(A, E, r; t, Lγ, ) and fluxes expected from sin-
gle GRBs, for all the luminosities and energy redistribution mod-
els, at each redshift and each different EGMF variance. For each
case of redshift and EGMF variance, we divide the proper comov-
ing range obtained into 280 bins11 and calculate the contribution
functions and fluxes in each bin. We are thus able to estimate the
flux on Earth contributed now by a GRB of a given luminosity, ex-
ploding at a given proper comoving distance at a given look-back
time/redshift. Finally, the total UHECR diffuse flux from GRBs can
be estimated by summing the contribution of all single GRBs (at all
luminosities) for each of the 300 realizations of the GRB history in
the universe.
In what follows, we restrict ourselves to a qualitative discussion of
the impact of the EGMF on the expected UHECR diffuse flux from
GRBs. More quantitative aspects, such as the number of GRBs con-
tributing as a function of the energy, time delays, anisotropy ex-
pectation (which requires to include the galactic magnetic field) as
well as the study of inhomogenous magnetic fields configurations
(see for instance Takami & Murase 2012; Kalli, Lemoine & Kotera
2011) will be considered in a forthcoming paper.
6.2.2 Results
UHECR diffuse fluxes, calculated for models A, B and C and three
hypotheses about the EGMF variance are shown in Fig. 32 and 33.
Fig. 32 displays the spectra obtained for the three models assuming
an EGMF variance of 0.1 nG. The lines show the mean values ob-
tained averaging over 300 realizations, for the total spectrum (plain
line) and for different nuclear species. The shaded areas show the
90% intervals of the 300 realizations, excluding the 5% highest and
lowest ones.
Concerning model A, one sees, as anticipated in the previous sec-
tion, that the power emitted in UHE cosmic-ray is too weak to con-
tribute significantly to the flux observed on Earth. It is almost two
orders of magnitude (at least a factor ∼70) below the flux recently
reporter by Auger (Abraham et al. 2010a, Aab et al. 2013).
In the cases of models B and C, the predicted fluxes are in very good
agreement with what is observed : the absolute scale of the fluxes
have only been slightly rescaled, by ∼5% downward for model B
and ∼ 25% upward for model C, to fall on top of Auger data.
In the case of model B, the mean value obtained for the total spec-
trum is slightly too soft to reproduce the Auger data at the highest
energies. For the 0.1 nG EGMF variance, displayed in the central
estimate of the density of the infrared, optical and ultra-violet backgrounds
(and their redshift evolution) described in Kneiske et al. (2004).
11 The bin size is chosen so that particles are spread over more than two
bins at all energies.
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AugerModel C,   isotropic,   Bext = 0.1nG
Figure 32. Diffuse cosmique ray flux spectrum, expected on Earth, assum-
ing an EGMF variance of 0.1 nG, in the cases of model A (top), B (center)
and C (bottom). The contributions of different groups of nuclei are shown,
the lines (plain lines for the total spectrum) represent the mean value calcu-
lated over 300 realizations of GRB history in the universe, the shaded areas
represent the 90% intervals (excluding the 5% highest and the 5% lowest
realizations) of the 300 realizations. These fluxes are compared with the
latest Auger estimate of the UHECR flux.
panel of Fig. 32, only a few realizations (among the 5% highest)
allow to reproduce correctly the shape of the Auger spectrum at the
highest energies. For instance, Fig. 34 shows one of the 300 real-
izations, which appears to give a relatively good fit to Auger data.
Let us note that for lower values of the EGMF variance, 0.01 nG for
instance, the spread of the predictions becomes larger (see below)
and the Auger data lie comfortably within the 90% interval.
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AugerModel C,   beamed,   Bext = 0.1nG
Figure 33. Same as Fig. 32, predictions for model C are shown assuming
EGMF variances of 0.01 nG (top) and 1 nG (center). The lower panel shows
the case of beamed GRBs, assuming an opening angle θGRB = 5◦, for an
EGMF variance of 0.1 nG (to be compared to the bottom panel of Fig. 32).
Model C shows the best compatibility with the Auger data, the
shape of the measured spectrum being very well reproduced above
the ankle. The top and central panels of Fig. 33 show the predic-
tions, in the case of model C, for two other values of the EGMF
variance, respectively 0.01 and 1 nG. As can be seen, the mean
values are not significantly modified by changing the EGMF vari-
ance. The spread of the 300 realizations, however, increases with
decreasing EGMF variance. This is due to the fact that larger mag-
netic fields result in larger spreads in rectilinear distances from the
source reached after a given propagation time, or equivalently of
the cosmic-rays arrival times at a given distance from the source.
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Figure 34. UHECR spectrum predicted for one of the 300 realizations of the
history of GRB explosion in the universe, in the case of model B, assuming
an EGMF variance of 0.1 nG.
Even at the highest energies, if the spread of the cosmic-ray signal
is large enough, several GRBs can contribute to the UHECR flux at
a given time. The fluctuations of the number of GRBs in the local
universe have thus less impact on the spread of the UHECR spec-
trum. The relevance of this discussion, of course, depends on the
cosmic-ray energy. Low energy particles (say, below 1019 eV) loose
their energy quite slowly and thus have a very large horizon (either
in space or time), within which the number of contributing GRBs
is large enough to limit the fluctuations of the UHECR spectrum
even for the lowest magnetic field variance and even for the proton
component. At higher energy, the discussion is complicated by the
fact that the composition is mixed and that the proton component
does not reach the highest energies unlike heavier nuclei. The high-
est rigidity particles in the spectrum are actually protons of a few
1019 eV, accelerated by intermediate or high luminosity GRBs (see
Sect. 5). At these energies, say around 2 1019 eV, the proton horizon
is still large, keeping the spread of the spectrum predictions to a rel-
atively modest level even for the lowest EGMF variance assumed.
At higher energies, quite comparable spreads are observed, for in-
stance for the Fe group around 1020 eV (or equivalently for CNO
around 5 1019 eV. From a given GRB, these particles are, however,
more spread in terms of arrival time or distance from the source.
As a result, if protons around 2 1019 eV and Fe around 1020 eV had
similar horizons, one would expect larger spreads of the spectrum
predictions for the protons around 2 1019 eV. The horizon of protons
around 2 1019 eV is, however, several times larger than that of Fe
around 1020 eV (which is of the order of 100 Mpc, see for instance
Globus, Allard & Parizot 2008). The Fe component, around 1020
eV, is then more impacted by realization to realization fluctuations
of the number of GRBs within its horizon, which is why the fluctu-
ations of the spectrum predictions are of the same order as that of
protons at ∼ 2 1019 eV instead of being smaller. The spread of the
predictions would of course be much larger if protons were domi-
nant, say around 1020 eV, since these protons would cumulate both
characteristics of being the highest rigidity particles (i.e, the least
spread by the effect of the EGMF) and having a reduced horizon
because of severe interactions with CMB photons.
We also computed UHECR spectra in the case of beamed
GRBs. Let us consider a GRB with a conical geometry and semi-
opening angle θGRB, and an angle χ between the GRB axis and the
vector connecting the central source to the Earth. The additional
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condition (still benefiting from the simplifying assumption of an
homogenous and isotropic turbulent EGMF) for a given cosmic-
ray to reach the Earth now, in the case of beamed GRBs, is that
α ∈ [χ − θGRB , χ + θGRB], where α is the angle between the ini-
tial cosmic-ray velocity −→u0 and its position vector at the end of
its propagation −→r . This means that a particle, with a given value
of α and a given proper comoving distance r from its source af-
ter propagating from z(t) to z = 0, can contribute to the flux from
GRBs at a proper comoving distance r and a value of χ such that
χ ∈ [α − θGRB , α + θGRB]. If the Earth lies within the emission
cone, the condition becomes χ ∈ [0 , α + θGRB]. To compute the
expected UHECR spectra one has, of course, to take into account
the fact that the GRB rate, derived assuming isotropic GRBs, has
to be increased by a factor fGRB ' (θ2GRB/4)−1 (for small values of
θGRB) and the total energy emitted by each single GRB divided by
the same factor fGRB. From a practical point of view, to treat the
case of beamed GRBs, we add bins of χ angle to the discretiza-
tion of the GRB history in bins of space and time and an additional
variable to the contribution function, which becomes :
F(A, E, r, α; t, Lγ, ) =
N(Ai, E j, rk, αl; t, Lγ, )
∆E j × 2pir2k ∆rk sinαl∆αl
(31)
The result of our calculations, in the case of model C, assuming an
EGMF variance of 0.1 nG, θGRB = 5◦ ( fGRB ' 526), is shown in the
lower panel of Fig. 33.
Comparing with the lower panel of Fig. 32, which shows the pre-
dictions for model C with the same EGMF variance and isotropic
GRBs, one sees that the means values obtained for the total spec-
trum and its components are not significantly modified by consid-
ering the beaming of GRBs. On the other hand, the spread of the
predictions is significantly smaller than in the isotropic case. This
is due to the much larger GRB rate implied by the assumed beam-
ing angle θGRB = 5◦. Unlike prompt emission photons, cosmic-rays
are deflected by the EGMF during their propagation and as a result,
off-axis GRBs can contribute to the UHECR flux on Earth. The de-
crease of the spread of our predictions remains, however, relatively
moderate since, at the highest energies (where the horizon is of the
order of 100 Mpc), cosmic-rays do not propagate long enough to
be isotropized by the EGMF. The number of GRBs that actually
contribute to the UHECR flux on Earth is not as much larger, com-
pared to the isotropic case, as what the beaming factor fGRB would
suggest.
6.2.3 Evolution of the composition and implications for the
transition from Galactic to extragalactic cosmic-ray
From the point of view of the UHECR composition on Earth, all
the models predict an increase of the cosmic-ray mean mass with
energy, as could be anticipated form the results shown in Sect. 5.
This trend is indeed entirely due to the fact that, according to our
modeling, protons are unable to reach energies above a few 1019
eV during the acceleration process, while intermediate and heavy
nuclei could reach energies above 1020 eV. The composition trend
at the source is then not very much affected by the extragalactic
propagation. In the case of models B and C, however, the maxi-
mum energy reached by nuclei heavier than protons is large enough
to allow GDR photo-nuclear interactions with CMB photons. The
spectra of the different nuclear species heavier than protons, af-
ter extragalactic propagation, is then cut at a lower energy than at
the source. In the case of protons, the source spectrum cuts-off be-
low the photomeson production threshold with CMB photons in all
cases. As a result, the highest energy protons are less affected by
energy losses in the intergalactic medium than the highest energy
nuclei. The gap in energy observed on Earth between the highest
energy protons and the highest energy nuclei is then smaller after
propagation than at the sources (this is true in particular for model
C, as can be seen comparing Figs. 31 and 32).
Overall, the evolution of the UHECR composition implied by
models B and C is in very good qualitative agreement with the trend
suggested by Auger composition analyses, based on the measure-
ments of the maximum shower depth (Abraham et al 2010b; Aab
et al. 2013). For both models, the composition above the ankle is
becoming increasingly heavier, with fewer and fewer protons. It
is dominated first by protons, then by intermediate and finally by
heavy nuclei. The energies of the transitions between the succes-
sive dominant nuclear species are lower in the case of model B,
since the maximum energies reached at the sources are lower. Con-
cerning proton abundances above the ankle, they are on average of
the order of ∼25% (resp. ∼ 15%) at 1019 eV, and ∼10-12% (resp.
very low) at 1019.5 eV (but with larger fluctuations), respectively for
models B and C.
These considerations, of course, depend to some extent on the
assumed composition in the acceleration site. As mentioned ear-
lier, we assumed for our calculations a metallicity ten times larger
than in the estimate of the Galactic cosmic-ray source composition.
Good fits to the data can still be found with a metallicity twice lower
than in our assumption but not with the typical Galactic abundances
(in which case the predicted spectra are too soft at the highest en-
ergies). Larger assumed metallicities can also provide good fits to
the data. We emphasize that secondary nucleons, emitted by nuclei
photodisintegration during the acceleration process, actually guar-
antee a significant proton component even if the proton abundance
in the acceleration site is initially small.
Perhaps the most interesting composition feature, visible in
Figs. 31, 32 and 33, is the softer spectrum found for the proton
component, as a result of the efficient escape of secondary neu-
trons produced by the photodisintegration of accelerated nuclei (see
Sect. 5). This prediction has interesting consequences for the rel-
ative abundance of extragalactic protons below the ankle energy
and for the phenomenology of the transition from Galactic to extra-
galactic cosmic-ray (GCR-to-EGCR transition). If the proton com-
ponent was as hard as that of the other nuclear species (which
evolve approximately as E−1 in Figs . 32 and 33), the relative abun-
dance of extragalactic protons would fall rapidly below the ankle.
With the much softer energy spectrum that we found, however, the
relative abundance of extragalactic protons below the ankle is of the
order of ∼15% (resp. ∼10%) at 1017.5 eV and ∼50% (resp. ∼40%)
at 1018 eV for model C (resp. model B). These relative abundances
are very similar to those obtained for the extragalactic mixed com-
position model studied in Allard et al. (2005, 2007a, 2007b) which
means that all these models have basically identical implications
for the GCR-to-EGCR transition (see, for instance, Fig. 2 of Allard
et al. 2007b). For all these models, the GCR-to-EGCR transition
starts around 1017 eV and is completed at the ankle. The evolution
of the composition implied by the extragalactic mixed composi-
tion model between ∼ 1017 eV and the ankle was shown to be in
very good agreement with the data of Fly’s eye (Bird et al. 1993)
and HiRes-Mia (Abu-Zayyad et al. 2000), as shown by Allard et
al. (2007b). However, at the highest energies, this scenario, unlike
what we found for models B and C, is in conflict with the com-
position trend suggested by Auger composition analyses (Abraham
et al. 2010), since the extragalactic mixed composition model pre-
dicted a light composition above 1019 eV (because the acceleration
of protons at the sources above 1020 eV was assumed in this model).
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The spectra we obtained for models B and C, on the other hand, pre-
dict a composition increasingly heavy at the highest energies while
preserving the GCR to EGCR transition scenario of the extragalac-
tic mixed composition model.
Recently, the KASCADE-Grande collaboration released two suc-
cessive composition analyses (Apel et al. 2011, 2013) showing :
(i) a knee-like structure in the spectrum of the heavy component
of cosmic rays, with a break located slightly below 1017 eV. This
feature is compatible with the presence of a "Fe-knee" located at an
energy ∼ 26 times larger than the proton-knee at ∼ 3 − 4 1015 eV
(see e.g., Antoni et al. 2005).
(ii) an ankle-like feature in the energy spectrum of light elements
of cosmic rays with a break located at ∼ 1017 eV.
(iii) a slope of the light component fitted below the ankle-like break
compatible with the slope of the heavy component fitted above the
"Fe-knee".
Put together, these observations point toward a rather natural pic-
ture. The ankle-like break in the light CR spectrum at ∼ 1017 eV
(Apel et al. 2013) implies that the light Galactic component (and
then probably the proton component) extends at least up to this en-
ergy. It further implies that the heavy Galactic component (at least
the Fe component) should extend at least up to ∼ 3 1018 eV, which
is very close to the ankle energy. This point is further supported by
the fact that the post "Fe-knee" heavy component (which again has
a spectral slope compatible with that of the pre-ankle light compo-
nent) does not show any evidence for a cut-off in the whole energy
range covered by KASCADE-Grande, which extends up to 1018
eV (Apel et al. 2011). An extragalactic component such as that
predicted by models B and C would fit rather well in this picture,
emerging around 1017 eV (where it represents a few percents of the
total spectrum), completely dominating the Galactic component at
the ankle with a composition still dominated by light nuclei, and
getting progressively heavier as the energy increases.
Although the above picture looks quite consistent, let us not for for-
get that a full study of the hadronic model dependence of the fea-
tures claimed by the KASCADE-Grande experiment is still needed.
Moreover, the current overlap between the energy ranges covered
by the KASCADE-Grande and Auger experiments is very small.
This situation should however improve significantly in the next few
years since the low energy extensions of Auger (Abreu et al. 2011)
and TA (TALE, Sagawa et al. 2009) are expected to increase the
energy range covered by both experiments down to ∼ 1017 eV (and
even below in the case of TALE), then fully covering the energy
range where the GCR-to-EGCR transition is expected to take place.
It is interesting to note that our results cannot, in principle, be
obtained in standard extragalactic propagation studies, where it is
usually assumed that all the nuclear species are emitted from their
sources with similar injection spectra (following the same power
law) and maximum energies scaling with the charge of the nuclei.
In that case, one can explain the Auger composition trend within
the framework of the so-called "low proton Emax models" (Allard
et al. 2008), assuming that the proton component is not acceler-
ated up to the highest energies, unlike heavier nuclei. In this case,
the models that best reproduce the Auger composition trend usu-
ally need very hard spectral indices at the sources. Although these
models can give a quite consistent account of the Auger data, they
have more difficulties explaining the presence of a significant ex-
tragalactic component down to a few 1017 eV. In the acceleration
models investigated here, these usual assumptions are broken in a
completely natural way, as a direct consequence of the acceleration
process (including the energy/nucleon losses during the process)
and not as an ad hoc attempt to reproduce the data.
Finally, it is worth mentioning that the GCR-to-EGCR transition
scenario implied by our results can certainly not claim to be a char-
acteristic signature of the acceleration of UHECR at GRB internal
shocks. The softer proton component we obtained seems to be a
natural consequence of the acceleration of cosmic-ray nuclei in a
high density radiation environment and can probably be expected
in the context of other candidate sources.
6.3 Diffuse neutrino flux
We finally turn to the calculation of the diffuse neutrino flux ex-
pected from GRBs on Earth, for our different models. It is well
known that, unlike UHECRs, neutrinos suffer only from adiabatic
losses due to the expansion of the universe, and then have hori-
zons comparable to the size of the universe. In this context, the
calculation of the diffuse neutrino flux is much more straightfor-
ward than the diffuse UHECR flux. Using the neutrino emission by
single GRBs calculated in Sect. 5, for different prompt emission
luminosities and the GRB luminosity function and cosmological
evolution, the diffuse neutrino flux expected on Earth is given by
Φν(Eobsν ) =
1
4pi
∫
dz
dVco
dz
1
4pid2L(z)
×
∫
dLγ
dNGRB
dLγ
(Lγ, z) Lν(Eemν (z), Lγ) , (32)
where Φ(Eobsν ) is the neutrino differential energy flux on Earth (in
eV m−2 s−1 sr−1), Lν(Eemν ,Lγ) is the differential luminosity in neu-
trinos of a GRB with prompt emission luminosity Lγ (calculated in
Sect. 5, in erg s−1), dL(z) is the luminosity distance at redshift z, Vco
is the comoving volume and dNGRB/dLγ(Lγ, z) is the GRB lumi-
nosity function and cosmological evolution combining Eqs. 27 and
28. The energy of a neutrino observed on Earth Eobsν and its energy
at the source Eemν are, of course, related by E
em
ν = (1+z)E
obs
ν , where
z is the redshift of the source.
In addition to the diffuse flux due to neutrinos emitted at the
sources, one has also to consider the cosmogenic neutrino flux
(Berezinsky & Zatsepin 1969) emitted during the extragalactic
propagation of UHECRs. This cosmogenic neutrino flux is accom-
panied by a flux of cosmogenic photons resulting from the elec-
tromagnetic cascades induced by very high energy photons and
e+e− pairs, also produced during UHECRs extragalactic propaga-
tion (Strong et al. 1973, 1974; Berezinsky & Smirnov 1975). These
cosmogenic photons can give key constraints on UHECR models
(Ahlers et al. 2010; Berezinsky et al. 2010; Decerprit & Allard
2011) since they can be compared with the diffuse γ-ray flux mea-
sured by Fermi (Abdo et al. 2010).
To calculate the development of extragalactic electromagnetic cas-
cades and the cosmogenic neutrino and photon fluxes, we use the
Monte-Carlo codes described in Decerprit & Allard (2011). In
the case of cosmogenic neutrinos and photons, the contribution of
UHECRs emitted at low redshift (say, below z=0.5) is small (see
for instance Allard et al. 2006). This means that one can neglect
the effects due to the fluctuations of the number of GRBs in the
very local universe and the discreteness of UHECR emission12. We
12 It would actually not be a good approximation for UHE photons (i.e,
photons produced around 1019 eV through the disintegration of neutral pi-
ons). This signal on Earth crucially depends on the source distribution in the
local universe. In the cases we study, however, the production of these pho-
tons is highly suppressed due the fact that protons do not reach high enough
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Figure 35. UHECR spectrum, cosmogenic neutrinos and photons spectra
and diffuse neutrino spectrum from GRB sources predicted for models A
(top), B (center) and C (bottom), compared to various experimental limits
or measurements (see text).
thus assume for our calculations UHECR emission in the contin-
uous injection and continuous source distribution approximation.
The injection spectrum of UHECRs is, for each energy redistribu-
tion model, the effective injection spectrum calculated at the begin-
ning of Sect. 6 and shown in Fig. 31.
The results of our calculations are shown in Fig. 35 for models
A (top), B (center) and C (bottom). Our predictions are compared
with different experimental measurements or limits :
(i) The cosmogenic photon fluxes are compared with the diffuse γ-
ray flux measured by Fermi (Abdo et al. 2010).
(ii) The cosmogenic neutrino fluxes (summed over all flavors) are
compared with the IceCube limit on UHE neutrinos (Abbasi et al.
2011) and the Auger limit on UHE Earth-skimming ντ (Abreu et
al. 2012, the original limit is simply multiplied by three to be com-
pared with our "all flavors" fluxes).
(iii) The neutrino fluxes from the sources are compared with the
IC40+59 stacking GRB limit estimated by Baerwald et al. (2014)
and based on the non-observation of high energy neutrinos from
215 GRB in IceCube field of view (Abbasi et al. 2012).
(iv) The UHECR flux, calculated in the continuous injection and
continuous source distribution approximation (the resulting spectra
follow closely the mean values obtained in the previous sections) is
compared to Auger data.
One can see that our predictions do not upset any experimental
measurement or limit. The cosmogenic photon flux lies below the
diffuse γ-ray flux observed by Fermi for all the models while the
predicted cosmogenic neutrino fluxes are well below the current
limits given by Auger or IceCube. Even the highest flux predicted
for model C would be difficult to detect within the lifetime of the
IceCube experiment. Slightly higher maximum energy reached by
protons (compared with what we found for model C) would, how-
ever, increase significantly the chance of a detection.
The diffuse neutrino flux emitted from the sources is not currently
constrained by the non-observation of a neutrino signal in the stack-
ing analyses reported by IceCube. It is worth mentioning that the
contribution of the highest luminosity GRBs to the diffuse neutrino
flux from the source is much larger than their contribution to the
diffuse UHECR flux. As a result, the difference between the neu-
trino flux predicted for model A and those predicted for models B
and C is smaller than the differences we found for UHECRs. Due
to the important contribution of the highest luminosity GRBs, these
predictions are more sensitive to the details of the luminosity func-
tion at very high luminosities. Despite these considerations, fluxes
of the order of those predicted here should be within the reach of
IceCube or the future KM3Net experiment (KM3Net consortium
2011). The observation (or non observation) of neutrinos associ-
ated with GRBs, should then give key constraints on UHECR ac-
celeration at GRB internal shocks within a few years.
7 SUMMARY
Throughout this paper, we investigated the acceleration of UHECR
protons and nuclei at GRB internal shocks. In Sect. 2, we modeled
internal shocks using the simple approach implemented by Daigne
& Mochkovitch (1998), where the relativistic outflow emitted by
the central engine is represented by a large number of shells that
energies to interact through photomeson production with CMB photons in
the local universe.
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interact with one another, discretizing the propagation of a colli-
sionless shock within the outflow. This treatment allowed us to es-
timate the key physical quantities at work during the internal shock
phase and their evolution during the shock propagation. Within this
framework, we assumed a given initial Lorentz factor distribution
of the relativistic wind and considered three different models con-
sisting in different combinations of the dissipated energy redistribu-
tion parameters, e, cr, B (which refer respectively to the fraction
of the dissipated energy communicated to accelerated electrons, ac-
celerated cosmic-ray and to the magnetic field). The first model
(model A) assumed equipartition of the dissipated energy leading
to an efficiency of the prompt emission of the order of ∼ 5% inde-
pendent of the burst luminosity Lγ. For models B and C, we made a
different assumption on the dissipated energy redistribution param-
eters using much lower values for e, which implies that most of the
dissipated energy is communicated to the accelerated cosmic-rays
and the magnetic field (using cr ∼ 0.9 (resp. 0.66) and B ∼ 0.1
(resp. 0.33) for model B (resp. model C)). These assumptions imply
larger values of the wind luminosity for a given prompt emission
luminosity of the GRB than in the case of model A, and lower ef-
ficiencies for the prompt emission (from approximately 0.01% for
low values of Lγ to 1% for the highest prompt emission luminosi-
ties). On the other hand, the larger wind luminosities and large val-
ues of cr and B, imply larger cosmic-ray luminosities and higher
magnetic fields which is, in principle, more favorable for UHECR
acceleration. For each of these models, and for different prompt
emission luminosities, we calculated the evolution of some impor-
tant physical quantities, such as the dissipated energy, the magnetic
field, the baryon density, the shock Lorentz factor, the prompt emis-
sion photon spectrum and density, at different times of the shock
propagation.
In Sect. 3, we performed numerical simulations of cosmic-ray
acceleration at mildly relativistic shocks, using numerical tools in-
spired by the work of Niemiec & Ostrowski (2004). We considered
Lorentz factors between 1 and 2, which is the typical range ex-
pected at GRB internal shocks. We tested various magnetic field
configurations in the vicinity of the shock, assuming different tur-
bulence power spectra, turbulence levels or regular field obliquities.
After setting escape conditions upstream and downstream of the
shock, we calculated the spectra of particles escaping downstream
and upstream as well as the energy evolution of the acceleration
time for different magnetic field configurations. Most of the spectra
of particles advected downstream deviated significantly from sin-
gle power laws, as already pointed out by Niemiec & Ostrowski
(2004). In the cases of purely turbulent fields, we found relatively
hard spectra with a sizeable fraction of the available energy com-
municated to high energies (i.e, E > Emax, with the definition of
Emax given by Eq. 24). However, the expected slope of the spectrum
of the particles advected downstream was found to be strongly de-
pendent on the assumed magnetic field configuration in the vicin-
ity of the shock. Quasi parallel shocks with low turbulence level
were found to give the hardest spectra (well harder than E−2), while
quasi-perpendicular "superluminal" shocks resulted in much softer
spectra with sharp cut-offs below Emax.
For the particles escaping upstream of the shock, assuming a free
boundary escape at a few λmax away from the shock front, we found
extremely hard spectra, starting at energies slightly below Emax
where the particles enter the weak scattering regime and can outrun
the shock for a long enough time to reach the boundary. The very
efficient escape at energies larger than Emax results in a cut-off of
the spectrum and gives a bell-like shape to the spectrum of particles
escaping upstream of the shock. Compared to the purely turbulent
case, the escape upstream was found to be more efficient for quasi-
parallel shocks and highly suppressed for quasi-perpendicular "su-
perluminal" shocks.
Concerning the energy evolution of the acceleration time, we also
found a broken power law shape with a significant hardening of the
evolution at energies slightly below Emax where particles enter the
weak scattering regime. At low energy, the shape of the evolution
and the value of the acceleration time at a given energy strongly de-
pend on the assumed magnetic field configuration (in particular on
the assumed turbulence power spectrum). At higher energy, in the
weak scattering regime, the shape of the evolution becomes prac-
tically independent of the assumed power spectrum in the purely
turbulent case. The acceleration time at E = Emax, was found to lie
between ∼ 15 and 80 (depending on the shock Lorentz factor) Lar-
mor times of the particles at this energy, quite far from the so-called
"Bohm scaling" (tacc(E) ' tL(E)). Such an optimistic assumption
on the acceleration time would require very different magnetic field
configurations from those envisaged here, if not a different acceler-
ation mechanism.
In Sect. 4, using the physical quantities estimated in Sect. 2,
we calculated the UHECR energy loss times expected at inter-
nal shocks for the most relevant energy loss processes, i.e, photo-
hadronic interactions, hadron-hadron interactions, synchrotron ra-
diation and adiabatic losses. These energy loss times were cal-
culated as functions of energy for different nuclear species, from
protons to Fe nuclei, at different times of the shock propagation
and different prompt emission luminosities, for each of the above-
mentioned models. Preliminary estimates of the maximum energy
achievable at GRB internal shocks could thus be obtained by com-
paring these energy loss times with the acceleration times obtained
in Sect. 3, assuming purely turbulent magnetic fields following a
Kolmogorov power spectrum. We found that, in most cases, the
maximum energy reachable by UHECRs is either limited by photo-
interactions or adiabatic losses, depending on the burst luminosity
and the stage of the shock propagation. Photodisintegration is the
limiting process for the acceleration of UHECR nuclei at the be-
ginning of the shock propagation in the case of intermediate lumi-
nosity GRBs (Leqwind ' 1053 erg s−1, Lγ ' 5 1051 erg s−1) and during
most of the shock propagation for the highest luminosity GRBs.
Photomeson production is the limiting process for the acceleration
of protons only at the early stages of the shock propagation for very
high luminosity bursts. Both protons and nuclei are limited by adia-
batic losses during the whole shock propagation for low luminosity
GRBs and during a significant fraction of the shock propagation
for intermediate luminosity GRBs. In these cases, the maximum
energy of the different nuclear species are expected to scale with
the charge of the nucleus. In all other cases, the gap in maximum
energy between protons and the other nuclear species is expected
to be smaller than the factor Z.
Comparing the maximum energies obtained for the different energy
redistribution models, we found that those obtained for models B
and C were significantly larger than those predicted for model A,
especially at low and intermediate GRB luminosities, due to the
larger magnetic fields implied by the physical hypotheses defining
models B and C. In the case of model A, maximum energies of
the order of 1020 eV (in the central source rest frame) were only
reached by heavy nuclei for intermediate luminosity bursts. For
models B and C, on the other hand, heavy nuclei were able to reach
energies of the order of 1020 eV or above, already for low luminos-
ity GRBs (especially in the case of model C), while intermediate
mass nuclei (CNO) reached 1020 eV in the cases of intermediate
luminosity GRBs. The maximum energy of protons remained sig-
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nificantly lower than 1020 eV, in all the cases we studied, reaching
at most ∼ 1019.5 eV, in the case of model C and high luminosity
bursts.
We also discussed the escape of accelerated particles from the
acceleration site and the importance of the value of the maximum
turbulence scale of the magnetic field, λmax, in particular when en-
ergy losses are considered. Accelerated particles are expected to
suffer from energy losses at all energies and must leave the acceler-
ation site before being cooled. Particles that have reached the weak
scattering regime (i.e, particles with Larmor radii of the order of
λmax) should escape more efficiently than those at lower energy. As
a result, the escape process should behave as a high-pass filter, both
upstream and downstream of the shock.
After discussing different possible situations and their conse-
quences on accelerated cosmic-ray escape and secondary particle
production, we set a prescription on the assumed value λmax for
our subsequent calculations : since for all our models, accelerated
cosmic-rays are assumed to carry a significant fraction of the dis-
sipated energy, we assumed that the maximum turbulence scale is
equal to the Larmor radius of the highest rigidity accelerated par-
ticles (which correspond to the highest energy accelerated protons
in all the cases we considered), for a given GRB at a given stage
of the shock propagation. This assumption represents an optimum
situation for protons escape but not necessarily for heavier nuclei,
since the rigidities reached by accelerated nuclei can be signifi-
cantly lower than those of protons when the acceleration process
is limited by photodisintegration. As a result, nuclei heavier than
protons are not guaranteed to reach the weak scattering regime, for
instance in the case of high luminosity GRBs.
In Sect. 5, we included the energy loss mechanisms into the
Monte-Carlo calculation of cosmic-ray acceleration at mildly rel-
ativistic shocks. We performed simulations reproducing the physi-
cal conditions (magnetic fields, baryon and photon densities, shock
Lorentz factors) estimated in Sect. 2, at different stages of the shock
propagation. This treatment allowed us to estimate the cosmic-ray
and secondary neutrino emission, for a GRB of a given luminos-
ity, and its evolution during the shock propagation. We calculated
cosmic-ray and neutrino outputs for different GRB luminosities
and our three energy redistribution models, assuming a composi-
tion with ten times the metallicity of Galactic cosmic-ray sources.
The main trends we extracted from our calculations were very sim-
ilar to those anticipated from our discussion in Sect. 4 :
(i) We found hard escaping cosmic-ray spectra for the different nu-
clear species as a result of the selection of high energy/rigidity par-
ticles by the escape process.
(ii) The maximum energies of protons did not exceed a few 1019 eV,
in the most optimistic cases. Intermediate and heavy nuclei could
reach energies of the order or above 1020 eV, in particular in the
cases of models B and C.
(iii) The escape of nuclei heavier than protons was strongly sup-
pressed for high luminosity GRBs.
In addition to these trends, we found, in the cases of intermediate
or high luminosity GRBs, significant neutron components due to
the photodisintegration of nuclei during the acceleration process.
These neutron spectra appear to be much softer than those of the
other nuclear species and to dominate at low energy, since neutron
escape is not impacted by magnetic fields and the interaction prob-
abilities of these neutrons in the acceleration site is low. These soft
neutron component is, of course, expected to ultimately decay to
protons during the extragalactic propagation.
Concerning neutrinos, we found a very strong evolution of the neu-
trino emission with the GRB luminosity, which was expected since
both the photon density and the energy communicated to accel-
erated cosmic-rays increase with the GRB luminosity (the latter,
however, evolves differently for model A, on the one hand, and
models B and C, on the other hand). For a given GRB luminosity,
we also found an evolution from a soft to a hard neutrino output as
the shock propagates. This evolution is due to the combined effect
of lower cosmic-ray photomeson interaction thresholds and larger
magnetic fields expected at early times of the shock propagation.
Finally, in Sect. 6, we calculated the expected UHECR and
neutrino diffuse fluxes on Earth, by convoluting the cosmic-ray and
neutrino release obtained for given GRB luminosities, with the dis-
tribution of GRB luminosities, taking also into account their cos-
mological evolution as recently derived by Wanderman & Piran
(2010).
In the case of model A, we obtained an integrated cosmic-ray lumi-
nosity density, above 1018 eV, of the order of 6 1042 erg Mpc−3 yr−1,
almost two orders of magnitude below that required to reproduce
the observed UHECR flux. This means that GRBs are very strongly
disfavored as the dominant source of UHECRs, if the dissipated en-
ergy is equally shared between accelerated electrons and cosmic-
rays, as already concluded by several authors.
For models B and C, we found UHECR luminosity densities of
∼ 3.9 1044 and 3.2 1044 erg Mpc−3 yr−1 respectively, of the same or-
der as those required. We then simulated the extragalactic prop-
agation of UHECR from GRB sources, considering (i) different
assumptions on the EGMF variance, (ii) the cases of isotropic or
beamed GRBs, (iii) a large number of realizations of the history of
GRB explosions in the universe. We found that the magnitude of
the observed UHECR flux is well reproduced by models B and C,
providing very moderate renormalizations of the predicted fluxes
by ∼ 5% downward and ∼ 25% upward, respectively. The shape of
the observed UHECR spectrum is also well reproduced above the
ankle by both models, particularly by model C.
Concerning the evolution of the composition, we found a good
qualitative agreement with the trend suggested by the Auger data: a
light composition at the ankle becoming gradually heavier with in-
creasing energy. Because of the slightly higher maximum energies
predicted, model C differs from model B by a slight shift in energy
of the decrease of the proton component.
At lower energies, the presence of a softer proton component has
interesting consequences for the phenomenology of the GCR-to-
EGCR transition. The progressive increase of the contribution of
the extragalactic component between ∼ 1017 eV and the ankle, im-
plied by model B or C, is very similar to that of the mixed composi-
tion model studied in Allard et al. (2007b) which was shown to be
in good agreement with Fly’s Eye and Hires-Mia data. Moreover,
by predicting extragalactic components which are already signifi-
cant at a few 1017 eV, models B and C are also in good qualitative
agreement with the recent results of the KASCADE-Grande ex-
periment. As we discussed earlier, the prediction of softer proton
components is probably not a distinctive signature of GRB sources
but a generic feature of strongly magnetized sources harbored in
dense environments, partially opaque to cosmic-rays.
We finally calculated diffuse neutrino fluxes from GRB sources
as well as cosmogenic neutrino and photon fluxes, and found that
those fluxes were currently not constrained by any experimental
measurement or limit.
In conclusion, we have developed a numerical tool to com-
pute the acceleration of particles at mildly relativistic shocks. This
code includes energy losses and handles particle escape according
to specific prescriptions, which can be adapted to different astro-
physical environments and physical conditions. In this paper, we
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applied our code to the case of GRBs in the framework of the in-
ternal shock model, with different assumptions about the redistri-
bution of the energy released by the collision of shells of different
Lorentz factors. The model takes into account the dynamical evolu-
tion of the GRB, by summing the weighted contributions of succes-
sive stages of the shock propagation, with the corresponding values
of the relevant physical parameters.
We have shown that particle acceleration can indeed be effi-
cient in such environments, including for heavy nuclei, which sur-
vive photo-dissociation for a large range of GRB luminosities, dur-
ing a significant fraction of the shock propagation. We also showed
that, once the distribution of GRBs in the universe is taken into ac-
count (in luminosity and rate density), the overall energetic particle
production of GRBs may account for the observed UHECR flux, in
the case of the models B and C investigated here. This includes not
only the total flux, but also the shape of the UHECR spectrum and
the evolution of the composition as a function of energy. In partic-
ular, protons are found to be accelerated up to energies of the order
1019.5 eV at most, while intermediate and heavy nuclei are able to
reach higher values, of the order of 1020 eV and above. On the other
hand, in the case the energy redistribution parameters correspond-
ing to model A, the GRBs would fall short of being able to power
the UHECRs by a large factor.
It may seem that the physical assumptions behind models B
and C are somewhat extreme, from the energetics point of view, by
requiring a much larger power in cosmic rays than in the photons
responsible for the GRB prompt emission. However, we draw at-
tention on the fact that this does not increase the maximum power
usually assumed for the GRBs by unreasonable factors. As a matter
of fact, the highest luminosity GRBs (Lγ > 5 1053 erg s−1) require
a wind power of only a factor of 3 for models B and C larger than
for model A, while the difference in the power needed increases
for lower luminosity GRBs, to reach a factor of 300 at the lowest
luminosity. As a consequence, the spread in the assumed intrinsic
power of GBRs is smaller in the case of models B and C than in the
case of model A (2 orders of magnitude instead of 4, see Fig. 2).
Another key assumption in our calculation of the UHECR in-
put from GRBs is the fact that early development of the burst is
compatible with the presence of nuclei heavier than protons in the
relativistic wind at the beginning of the internal shock phase. Fur-
ther observational and theoretical constraints on the GRB central
engine and the origin of the prompt emission will be needed to
evaluate the validity of our hypotheses.
Finally, we note that the diffuse neutrino fluxes from GRBs of
the order of those calculated in Sect. 6 should be within the reach
of high-energy neutrino observatories such as IceCube or the fu-
ture KM3Net. Within the lifetime of these observatories, neutri-
nos should then give key constraints on the scenarios elaborated in
this study. Likewise, more constraints on the nature of the UHECR
sources should be provided by accumulating larger statistics at the
highest energies, with the Pierre Auger and Telescope Array obser-
vatories, and with the future JEM-EUSO experiment onboard the
international space station.
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